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Turbulence in the heavens
The largest ever simulation of astrophysical turbulence substantially improves our understanding of how energy 
injection on large interstellar scales governs how stars form on small scales.

Christopher F. McKee and James M. Stone

Star formation is of central importance 
in astrophysics. It leads not only to 
the diverse range of stars observed 

in the Universe, but also (indirectly) to 
the formation of planets and black holes, 
the creation of the heavy elements, the 
energization of the interstellar medium and 
the circumgalactic medium via feedback 
from radiation, winds and supernovae, and 
even the evolution of galaxies (Fig. 1).  
Star formation begins in massive clouds 
of molecular gas. Observations reveal 
that turbulent motions inside such clouds 
are supersonic, resulting in an internal 
structure driven by shock waves associated 
with random velocities much greater than 
the speed of sound. Writing in Nature 
Astronomy, Christoph Federrath and 
collaborators1 describe the highest resolution 
and dynamic range computer simulation of 
astrophysical turbulence ever reported, with 

the aim of understanding how turbulence 
can create the conditions that lead to the 
formation of stars.

Molecular clouds in galaxies are 
sufficiently massive (103–107 M⊙, where  
M⊙ is one solar mass) and dense (≥102 cm–3)  
that they are shielded from the ultraviolet 
radiation from hot stars that would 
otherwise destroy molecules. They are 
cold, typically only about 10 degrees 
above absolute zero, so that their internal 
thermal energy is much less than their 
gravitational binding energy. On the other 
hand, observations show that the energy 
of motions inside molecular clouds is 
comparable to the gravitational energy and, 
correspondingly, that these motions are 
highly supersonic. It was noted long ago2 that 
if these motions were due to gravitational 
collapse, then the star-formation rate in the 
Galaxy would be orders of magnitude larger 

than observed, so the motions must 
represent supersonic turbulence. Larson3 
strengthened the argument by showing that 
the velocity dispersion in the interstellar 
medium increases with size (the linewidth–
size relation) in a manner similar to that 
expected for turbulence, and numerous 
simulations since then have borne this out4. 
The supersonic motions in molecular clouds 
produce strong shock waves that compress 
the gas by an order of magnitude or more, 
rendering a small fraction of the gas unstable 
to gravitational collapse. This turbulence 
paradigm for star formation naturally 
accounts for the observed inefficiency of star 
formation5 and for the initial mass function6. 
It is thus of great importance to acquire 
a deeper understanding of supersonic 
turbulence.

Federrath and collaborators have 
investigated this problem by carrying 

Fig. 1 | Star formation in the turbulent interstellar medium. A panoramic Hubble image of the Carina nebula showing the turbulent effects of the stellar winds 
and ionizing radiation from massive stars on the molecular cloud out of which the stars were born. The width of the image is 16 pc. Credit: NASA / ESA / N. 
Smith (University of California, Berkeley) / the Hubble Heritage Team (STScI/AURA).
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Carina Nebula by tthe Hubble space telescope
N. Smith and  NASA/ESA. (16 pc size)
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OUTLINE of the LECTURE 
1) Interstellar physics
                 ISM components 
                 Heating and cooling 
                 ISM ‘phases’ …

2)  Atomic/Molecular excitation & radiative transfer
        The equation of radiative transfer 
                 Approximations and models …

3)  Interstellar chemistry
                 Molecules in the ISM
                 Basic ‘intro’ to gas-phase chemistry
                 Public models... 
                 

                   

Herschel’s view of W3
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stars ISM

Half of the luminosity by the Universe is
ISM dust  (re)emission in the far-IR & submm

Starlight à ISM dust absorption          à UV-heated dust re-emission

mmFar-IRNear-IRVisibleUV



I. Interstellar Physics



The ISM of the Milky Way as
 seen in radio, IR, and 𝜸-rays 

Galaxies are nearly empty …
• Stars are separated by ≈2 pc  ( ≈ 6.5 lyr ) 

Interstellar Medium:  everything between stars (matter, radiation, magnetic field …)

          - Gas:  atoms, molecules, electrons, … 

          - Dust:  small solid grains, ≈ 0.1 𝜇m in size,  ~ 1% in mass wrt gas

          - Cosmic rays (particles): energetic protons, nuclei, and e- (1 MeV to 1020 eV  …  ISM ~ GeV)

          - Radiation:   radio (plasmas), CMB (2.7 K), Far-IR to mm (dust thermal emission), 

                                 VISIBLE and UV (starlight), X-rays (hot gas in shocks),  𝛾-rays …
 
 



6-8 July 2009 SPICA Workshop Oxford, UK

The life cycle of gas and and dust in the Galaxy

Diffuse clouds (<50% molecular)

Dense clouds (99% molecular gas)
(star formation)

Proto-stars
and protoplanetary disks

Solar Systems

Low-mass evolved stars
Dust grain formation.
Chemical enrichment of ISM

Supernova explosions
Shocks in ISM

Massive stars
UV radiation and winds

Stellar and ISM evolution are tightly coupled

• As galaxies evolve, the ISM is slowly converted into new stars à fuel for star formation 

• As stars die they return matter to the ISM à chemical enrichment

• 90 % of the baryons in the Milky Way are in stars (≈ 5·1010 MSun) and  10% is in the ISM (≈ 7·109 MSun)

       



• Stellar and ISM are tightly coupled   ←  Stellar UV, CRs and shocks (e.g. winds and SNe)  heat the ISM

•  Most of the interstellar gas has temperatures and pressures close to be organized in “phases”:

           1) Cold Neutral Medium (CNM): diffuse HI and denser molecular (H2)    “CLOUDS”

           2) Warm Neutral Medium  (WNM)  +Warm Ionized Medium (WIM)   +Hot Ionized Medium (HIM) 

               à “INTERCLOUD” component

• These “phases” depend on how the gas is heated & cooled à Microphysical processes ! 

• Chemical composition determines how the gas is cooled  à Chemistry and spectrosocopy! 

         

SUMMARY:  Much of the ISM research deals with understanding the (macro) astrophysical processes 

and also the detailed microprocesses that form, destroy, and excite atoms, molecules, and dust grains

                        

Dust continuum emission  Herschel/PACS & SPIRE (Molinari et al.)
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Figure 1.3 Flow of energy in the Milky Way.

ground, far-infrared (FIR) emission from dust, and starlight. It is a remarkable
fact that in the local ISM, today, these energy densities all fall within the range
0.2 − 2 eV cm−3 – see Table 1.5. This near-equipartition is partly coincidental –
the fact that the energy density in the CMB is similar to the other energy densities
is surely accidental – but the other six energy densities are in fact coupled: the
magnetic energy has been built up by fluid motions, so it is probably not a coin-
cidence that the magnetic energy density B2/8π and the turbulent energy density
(1/2)ρv2 are comparable in magnitude. Similarly, if the cosmic ray energy den-
sity were much larger, it would not be possible for the magnetized ISM to confine
the cosmic rays, and they would be able to escape freely from the Galaxy – this
negative feedback limits the cosmic ray energy density to approximate equiparti-
tion with the sum of the turbulent energy density and thermal pressure in the ISM.
The fact that the starlight energy density is comparable to the gas pressure may be
coincidental. However, if the starlight energy density were much larger (by a fac-
tor ∼102), radiation pressure acting on dust grains would be able to “levitate” the
ISM above and below the Galactic midplane, presumably suppressing star forma-
tion; this feedback loop may play a role in regulating the starlight energy density in
star-forming galaxies.

The ISM is far from thermodynamic equilibrium, and it is only able to maintain
this nonequilibrium state because of the input of “free energy,” primarily in the
form of ultraviolet radiation emitted by stars, but with a significant and important
contribution of kinetic energy from high-velocity gaseous ejecta from supernovae.
The overall flow of energy in the ISM is sketched in Figure 1.3. Ultimately, nearly
all of the energy injected into the ISM in the form of starlight and kinetic energy
of stellar ejecta is lost from the galaxy in the form of emitted photons, departing to
the cold extragalactic sky.

Flow of Energy in normal Galaxies 

Draine’s book (2010)
Line & continuum

photons

CRUCIAL:  Owing to very low gas densities  and presence of  UV, turbulence,  and cosmic rays:  
à ISM is NOT is  equilibrium à A single temperature DOES NOT describe all processes Tk ≠ Tex ≠ Tionization

àOne needs to study and balance all microprocesses using their specific rates and cross-sections: 
       Thermal balance, excitation & de-excitation, ionization & recombination …

(turbulence)

≈ 1eV cm-3 each

←



1.2 Components of the interstellar medium 7

Table 1.1 Characteristics of the phases of the interstellar medium

Phase na
0 (cm

−3) Tb (K) !c
v (%)

Md

(109 M")
< n0 >e

(cm−3) Hf (pc)
"g

#M"pc−2$

Hot
intercloud 0.003 106 ∼50.0 — 0%0015 3000 0%3

Warm
neutral
medium 0.5 8000 30.0 2%8 0%1h 220h 1%5

0%06h 400h 1%4
Warm

ionized
medium 0.1 8000 25.0 1%0 0%025i 900i 1%1

Cold neutral
mediumj 50.0 80 1.0 2%2 0%4 94 2%3

Molecular
clouds >200.0 10 0.05 1%3 0%12 75 1%0

HII regions 1–105 104 — 0%05 0%015k 70k 0%05

a Typical gas density for each phase.
b Typical gas temperature for each phase.
c Volume filling factor (very uncertain and controversial!) of each phase.
d Total mass.
e Average mid-plane density.
f Gaussian scale height, ∼ exp&−#z/H$2/2', unless otherwise indicated.
g Surface density in the solar neighborhood.
h Best represented by a Gaussian and an exponential.
i WIM represented by an exponential.
j Diffuse clouds.
k HII regions represented by an exponential.

1.2.2 Ionized gas

Diffuse ionized gas in the ISM can be traced through dispersion of pulsar signals,
through optical and UV ionic absorption lines against background sources, and
through emission in the H( recombination line (see Fig. 1.5). The first two can
only be done in a limited number of selected sight-lines. The faintness and large
extent of the galactic H( hamper the last probe. While most of the H( luminosity
of the Milky Way is emitted by distinct HII regions, almost all of the mass of
ionized gas (109 M") resides in a diffuse component. This warm ionized medium
(WIM) has a low density ($0%1 cm−3), a temperature of≈8000K, a volume filling
factor of $0%25, and a scale height of $1 kpc. The weakness of the [OI] )6300
line (in a few selected directions) implies that the gas is nearly fully ionized. The
source of ionization is not entirely clear. Energetically, ionizing photons from
O stars are the most likely candidates but these photons have to “escape” from
the associated HII regions and travel over large distances (hundreds of parsecs)
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Tielens’s book

WNM

CNM

SF

The volume filling factor scales inversely with the density: 
most of the volume is in the hot & warm phases, most of the mass is in the cold neutral ISM phases

à PROPERTIES, MASSES, FILLING FACTORS… VERY UNCERTAIN NUMBERS.
à HARD TO GET A GLOBAL PICTURE OF THE ISM OF GALAXIES AS A WHOLE à on-going research…
 

~Pressure equilibrium
              Pth / k = n T:
      Field-Goldsmith-Habing+69 (CRs heating)

Dalgarno & McRay 72 (review)
Wolfire+95 (stellar FUV photons)

  

ISM “phases” in our Galaxy

HI

HI & H2

H2

H+

H+

H+ (23% of mass) HI (60%) H2 (17%) 



The neutral ISM
Hydrogen is atomic (HI) or molecular (H2) but not ionized (H+)

Dense molecular clouds, diffuse clouds (CNM), inter-cloud (WNM)



Heating of the neutral interstellar gas
• O- and B-type massive stars emit UV radiation fields:

     - Extreme-UV (EUV) photons with 100 eV > h𝝂 > 13.6 eV ionize H à HII regions & WIM

    -  Only far-UV (FUV) photons with h𝝂 < 13.6 eV propagate inside neutral HI and H2 clouds

      IP(Hydrogen) = 13.6 eV;  IP(Nitrogen) = 14.5 eV; IP(Carbon)=11.3 eV;  IP(Sulfur)=10.4 eV

FUV photons impact dust grains and PAHs which eject energetic electrons  through 
 photo-electric effect à  ‘photo-electrons’ collide with atoms and molecules and HEAT the gas

    

Introduction to PDRs PDR Chemistry Heating and Cooling Simulations Conclusions

Photoelectric Heating Schematic

Tielens and Hollenbach 1999

I Limiting factor for high-efficiency small grains is that some
may have an ionization potential > 13.6 eV

I Efficiency drops as PAHs become more charged

A. Einstein (1921)
Nobel Prize

1.3 Energy sources 13

wavelengths, A-type stars, which control the visible region, and late-type stars,
which are important at far-red to near-infrared wavelengths. The strength of the
FUV average interstellar radiation is often expressed in terms of the Habing field,
1!2×10−4 erg cm−2 s−1 sr−1, named after Harm Habing, a pioneer in this field.
Current estimates put the average interstellar radiation field at G0 = 1!7 Habing
fields. Often, the radiation field in PDRs produced by a nearby star shining on
a nearby cloud is expressed in terms of the equivalent one-dimensional average
interstellar radiation field flux (e.g., 1!6×10−3 erg cm−2 s−1).
These stellar photons are absorbed by dust grains and reradiated at longer

wavelengths – in discrete emission bands in the mid-IR and in continuum emis-
sion in the far-IR and submillimeter regions (Fig. 1.8). The 2.7K cosmological
background takes over at millimeter wavelengths. At extreme ultraviolet wave-
lengths (EUV), even a small amount of neutral hydrogen absorbs all radiation and
the intensity of the average radiation field due to stars drops precipitously at the
Lyman edge (912 Å; Fig. 1.9). Stars do not contribute much at the shortest wave-
lengths (X-rays). Instead, emission by hot plasmas – the coronal gas in the halo
and in SNRs – dominates the radiation field. This component shows numerous
emission lines. There is also an extragalactic contribution at the hardest energies.
These X-ray emission components are mediated by absorption by foreground
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Figure 1.9 The average photon field in the solar neighborhood in units of
photons cm−2 s−1 Å−1. Contributions by hot gas, OB stars, and older stars are
indicated. The calculated X-ray/EUV/FUV spectrum was kindly provided by
J. Slavin. The visual spectrum was taken from J. S. Mathis, P. G. Mezger, and
N. Panagia, 1983, A. & A., 128, p. 212.

Photoelectric Heating on 
     PAHs and Grains 

Interstellar Radiation field 

911 A = 13.6 eV cutoff
(Lyman edge)

FUV

G0 = 1 Habing field = 108 FUV photons cm-2 s-1

Examples:  G0 ≈ 1.7 in solar neighborhood (mean ISRF)
                     G0 ≈ 104-5  close to massive stars

EUV



Ability of gas to cool itself sets the ISM “phases”

ENERGY-LEVEL DIAGRAMS 483
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Ly 𝜶 cooling (1216 A)
of warm HI (WNM)

(Tgas ≈ 8,000 K)

[CII] 158𝝁m cooling
of diffuse clouds (CNM)

(Tgas ≈ 80 K)

CO cooling of
 dense molecular gas

(Tgas ≈ 10 K)

∆𝑬 = 𝟏𝟏𝟖, 𝟒𝟎𝟎 K

∆𝑬 = 𝟗𝟐 K

∆𝑬(J=1-0)
= 5.5 K

Cooling of the neutral interstellar gas

•  Collisions of HI atoms, C+ ions and CO molecules with photo-electrons (and H2 inside molecular clouds)
                       EXCITE the lowest energy available levels  (electronic, fine-structure, rotational)

• Emission of a line photon - escaping the cloud COOLS the gas (thermostats!). 
 

collisions

Line cooling
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Two-phases model of the neutral ISM

How do we determine Tgas ? 
Thermal equilibrium à  Heating = Cooling

𝚪 = 𝒏 𝚲 à gives Tgas   
with 𝑛 = gas density

 Pth/k  = n Tgas = gas thermal pressure 

Cloud density:

collisions

Line cooling



Two-phases model of the neutral ISM
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How do we determine Tgas ? 
Thermal equilibrium à  Heating = Cooling

𝚪 = 𝒏 𝚲 à gives Tgas   
with 𝑛 = gas density

 Pth/k  = n Tgas = gas thermal pressure 

Heating processes
Cooling processes

Photo-electric effect on PAHs & grains

Cosmic rays
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Two-phases can exist in thermal pressure equilibrium
with Pth/k = n T ≈ 3000 K cm-3

“Thermally bi-stable”
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Line cooling
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Godard, B., et al.: A&A, 688, A169 (2024)
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Fig. 1. Thermal equilibrium state of the diffuse interstellar gas obtained
with the Paris-Durham code and displayed in a particle density versus
thermal pressure diagram. The color code highlights the three branches
of the equilibrium state: the dynamically stable WNM (red) and CNM
(blue) phases at ⇠104 K and ⇠80 K, respectively, and the dynamically
unstable branch (green) at intermediate temperatures. The light blue and
red zones show the regions of the diagram where the cooling rate is
larger or smaller, respectively, than the heating rate. Light gray lines are
isothermal contours from 1 to 106 K (from bottom right to top left).

of ⇠1000 km s�1 generate a turbulent flow whose mechanical
energy is traced by the rovibrational lines of H2 (Guillard et al.
2009; Appleton et al. 2023). Interstellar shocks are therefore the
fingerprints of the mechanisms by which mechanical energy is
injected into the ISM.

By altering the physical state of matter, shocks propagating
in the WNM are known to bring the gas in an unstable cooling
state (red region in Fig. 6 of Falle et al. 2020). Hydrodynam-
ical simulations show that if the postshock thermal pressure is
higher than the maximum pressure of the WNM and the cool-
ing time is shorter than the dynamical time of the perturbation,
shocks inevitably induce phase transition between the WNM
and the CNM (e.g., Hennebelle & Pérault 1999; Kupilas et al.
2021). This process is mitigated by the presence of a mag-
netic field. Magnetohydrodynamic simulations of colliding flows
(Hennebelle & Pérault 2000; Inoue & Inutsuka 2008) and of
interstellar shocks (Falle et al. 2020) show that the magnetic
field efficiently prevents the formation of very dense gas and may
force the final state to lie on the unstable part of the thermal equi-
librium (green curve in Fig. 1). Nevertheless, shocks still induce
phase transition in the sense that this unstable state subsequently
splits into warm and cold environments (van Loo et al. 2010).
Shocks may therefore play a substantial role in the mass transfer
between the WNM and the CNM.

Finally, as the turbulence develops, the kinetic energy
injected at large scale is transferred toward small scales. This
turbulent cascade, which operates in a multiphase environ-
ment, involves a complex interplay between compressive and
solenoidal modes (e.g., Porter et al. 2002; Vestuto et al. 2003;
Pan et al. 2016) that leads to the formation of low-velocity
shocks, which propagate in the WNM and the CNM and dissi-
pate a substantial fraction of the kinetic energy (Stone et al. 1998;
Lehmann et al. 2016; Lesaffre et al. 2020; Richard et al. 2022).
Shocks could therefore be the fingerprints of the dissipation of
the mechanical energy stored in interstellar turbulence.

While extensive studies have been performed to identify
and interpret atomic and molecular tracers of low-velocity
shocks (VS 6 30 km s�1) propagating in the CNM

(e.g., Draine & Katz 1986; Monteiro et al. 1988; Flower &
Pineau des Forêts 1998; Lesaffre et al. 2013), little has been
done so far regarding the observational tracers of shocks
propagating in the WNM at low (VS 6 30 km s�1), intermediate
(30 < VS < 100 km s�1), and high velocities (VS > 100 km s�1)
that induce phase transition between the WNM and the CNM.
This oversight may be attributed to the numerical challenges
associated with the problem. Indeed, one major difficulty is that
intermediate- and high-velocity shocks produce high-energy
photons that modify the state of the preshock gas and interact
with the shock itself (Raymond 1979; Hollenbach & McKee
1989). Numerical codes capable of describing all the intricacies
of self-irradiated shocks are rare.

The impact of ionizing radiation has long been included in
numerical simulations to study the thermal instability induced
by interstellar shocks (e.g., Sutherland et al. 2003) and more
recently in simulations of supernova remnants (SNRs) (Sarkar
et al. 2021a,b) and Galactic winds (Sarkar et al. 2022). How-
ever, as detailed simulations are numerically expensive, they
are usually limited to specific cases. It follows that systematic
studies involving the complete exploration of a large param-
eter domain can only be achieved with 1D steady-state mod-
els. To the best of our knowledge, the only existing public
model that follows the physics of self-irradiated shocks is the
MAPPINGS V code. Developed over the past 40 yr (Dopita
1978; Dopita & Sutherland 1995, 1996; Allen et al. 2008;
Dopita et al. 2013; Sutherland & Dopita 2017), MAPPINGS is a
self-consistent model designed to compute the thermochemical
structure and emission of photoionized regions and fast atomic
shocks. For instance, MAPPINGS has been successfully applied
to study narrow line regions and active galactic nuclei (e.g., Best
et al. 2000; Zhu et al. 2023), Herbig-Haro objects (e.g., Dopita
& Sutherland 2017), and SNRs (e.g., Kopsacheili et al. 2020;
Priestley et al. 2022).

Given the existence of a highly sophisticated and regu-
larly updated model such as MAPPINGS, one might wonder
why we would develop another code. In addition to the fact
that it is always advisable to have several models at hand to
describe the same physical problem, the Paris-Durham shock
code has a few advantages for the study of shocks propagating
in the WNM. First, the Paris-Durham shock code is a multifluid
model capable of computing various types of magnetohydrody-
namic stationary solutions with distinctive physical properties,
including C-type, C*-type, and CJ-type shocks (Chernoff 1987;
Roberge & Draine 1990; Godard et al. 2019). Second, the code
was recently improved to take into account the impact of an
external UV radiation field (Lesaffre et al. 2013; Godard et al.
2019), and therefore contains all the ingredients required to treat
the phase transition process between the WNM and the CNM,
which results from the thermal instability that naturally occurs
in diffuse irradiated environments. Last, this code is designed
to study the formation and excitation of molecules in shocks.
Although this aspect is not addressed here, developing the model
for higher velocities allows to identify molecular tracers of high-
velocity shocks, which are naturally produced during the phase
transition and the formation of CNM structures.

In the first paper of this series, we therefore introduce a
new version of the Paris-Durham shock code capable of treat-
ing the physics of self-irradiated shocks. As a first application,
we present a study of shocks propagating at velocities between
10 and 500 km s�1 in the diffuse WNM irradiated by the standard
interstellar radiation field. This work is a stepping stone toward
two follow-up papers dedicated to specific observational tracers
of these shocks (e.g., Godard et al. 2024).

A169, page 2 of 24

Thermal bi-stability of the diffuse neutral gas
Adapted from Godard+2024
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Godard, B., et al.: A&A, 688, A169 (2024)
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Fig. 1. Thermal equilibrium state of the diffuse interstellar gas obtained
with the Paris-Durham code and displayed in a particle density versus
thermal pressure diagram. The color code highlights the three branches
of the equilibrium state: the dynamically stable WNM (red) and CNM
(blue) phases at ⇠104 K and ⇠80 K, respectively, and the dynamically
unstable branch (green) at intermediate temperatures. The light blue and
red zones show the regions of the diagram where the cooling rate is
larger or smaller, respectively, than the heating rate. Light gray lines are
isothermal contours from 1 to 106 K (from bottom right to top left).

of ⇠1000 km s�1 generate a turbulent flow whose mechanical
energy is traced by the rovibrational lines of H2 (Guillard et al.
2009; Appleton et al. 2023). Interstellar shocks are therefore the
fingerprints of the mechanisms by which mechanical energy is
injected into the ISM.

By altering the physical state of matter, shocks propagating
in the WNM are known to bring the gas in an unstable cooling
state (red region in Fig. 6 of Falle et al. 2020). Hydrodynam-
ical simulations show that if the postshock thermal pressure is
higher than the maximum pressure of the WNM and the cool-
ing time is shorter than the dynamical time of the perturbation,
shocks inevitably induce phase transition between the WNM
and the CNM (e.g., Hennebelle & Pérault 1999; Kupilas et al.
2021). This process is mitigated by the presence of a mag-
netic field. Magnetohydrodynamic simulations of colliding flows
(Hennebelle & Pérault 2000; Inoue & Inutsuka 2008) and of
interstellar shocks (Falle et al. 2020) show that the magnetic
field efficiently prevents the formation of very dense gas and may
force the final state to lie on the unstable part of the thermal equi-
librium (green curve in Fig. 1). Nevertheless, shocks still induce
phase transition in the sense that this unstable state subsequently
splits into warm and cold environments (van Loo et al. 2010).
Shocks may therefore play a substantial role in the mass transfer
between the WNM and the CNM.

Finally, as the turbulence develops, the kinetic energy
injected at large scale is transferred toward small scales. This
turbulent cascade, which operates in a multiphase environ-
ment, involves a complex interplay between compressive and
solenoidal modes (e.g., Porter et al. 2002; Vestuto et al. 2003;
Pan et al. 2016) that leads to the formation of low-velocity
shocks, which propagate in the WNM and the CNM and dissi-
pate a substantial fraction of the kinetic energy (Stone et al. 1998;
Lehmann et al. 2016; Lesaffre et al. 2020; Richard et al. 2022).
Shocks could therefore be the fingerprints of the dissipation of
the mechanical energy stored in interstellar turbulence.

While extensive studies have been performed to identify
and interpret atomic and molecular tracers of low-velocity
shocks (VS 6 30 km s�1) propagating in the CNM

(e.g., Draine & Katz 1986; Monteiro et al. 1988; Flower &
Pineau des Forêts 1998; Lesaffre et al. 2013), little has been
done so far regarding the observational tracers of shocks
propagating in the WNM at low (VS 6 30 km s�1), intermediate
(30 < VS < 100 km s�1), and high velocities (VS > 100 km s�1)
that induce phase transition between the WNM and the CNM.
This oversight may be attributed to the numerical challenges
associated with the problem. Indeed, one major difficulty is that
intermediate- and high-velocity shocks produce high-energy
photons that modify the state of the preshock gas and interact
with the shock itself (Raymond 1979; Hollenbach & McKee
1989). Numerical codes capable of describing all the intricacies
of self-irradiated shocks are rare.

The impact of ionizing radiation has long been included in
numerical simulations to study the thermal instability induced
by interstellar shocks (e.g., Sutherland et al. 2003) and more
recently in simulations of supernova remnants (SNRs) (Sarkar
et al. 2021a,b) and Galactic winds (Sarkar et al. 2022). How-
ever, as detailed simulations are numerically expensive, they
are usually limited to specific cases. It follows that systematic
studies involving the complete exploration of a large param-
eter domain can only be achieved with 1D steady-state mod-
els. To the best of our knowledge, the only existing public
model that follows the physics of self-irradiated shocks is the
MAPPINGS V code. Developed over the past 40 yr (Dopita
1978; Dopita & Sutherland 1995, 1996; Allen et al. 2008;
Dopita et al. 2013; Sutherland & Dopita 2017), MAPPINGS is a
self-consistent model designed to compute the thermochemical
structure and emission of photoionized regions and fast atomic
shocks. For instance, MAPPINGS has been successfully applied
to study narrow line regions and active galactic nuclei (e.g., Best
et al. 2000; Zhu et al. 2023), Herbig-Haro objects (e.g., Dopita
& Sutherland 2017), and SNRs (e.g., Kopsacheili et al. 2020;
Priestley et al. 2022).

Given the existence of a highly sophisticated and regu-
larly updated model such as MAPPINGS, one might wonder
why we would develop another code. In addition to the fact
that it is always advisable to have several models at hand to
describe the same physical problem, the Paris-Durham shock
code has a few advantages for the study of shocks propagating
in the WNM. First, the Paris-Durham shock code is a multifluid
model capable of computing various types of magnetohydrody-
namic stationary solutions with distinctive physical properties,
including C-type, C*-type, and CJ-type shocks (Chernoff 1987;
Roberge & Draine 1990; Godard et al. 2019). Second, the code
was recently improved to take into account the impact of an
external UV radiation field (Lesaffre et al. 2013; Godard et al.
2019), and therefore contains all the ingredients required to treat
the phase transition process between the WNM and the CNM,
which results from the thermal instability that naturally occurs
in diffuse irradiated environments. Last, this code is designed
to study the formation and excitation of molecules in shocks.
Although this aspect is not addressed here, developing the model
for higher velocities allows to identify molecular tracers of high-
velocity shocks, which are naturally produced during the phase
transition and the formation of CNM structures.

In the first paper of this series, we therefore introduce a
new version of the Paris-Durham shock code capable of treat-
ing the physics of self-irradiated shocks. As a first application,
we present a study of shocks propagating at velocities between
10 and 500 km s�1 in the diffuse WNM irradiated by the standard
interstellar radiation field. This work is a stepping stone toward
two follow-up papers dedicated to specific observational tracers
of these shocks (e.g., Godard et al. 2024).
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TABLE 2 

Standard Model Parameters 

Parameter Standard Model 
no(cm 3) •••• 
Go  
<5t;D(km s . 
sé r  

* o ��

Mg ' 

sé* 
^Fe 
Séy 
A 
^uv  
K,  
y  
00 (eV) . 
T0(K) .. 

1.0 (3) 
1.0 (3) 
1.5 
3.0 (-4) 
5.0 (-4) 
7.9 (-7) 
7.9 (-6) 
2.5 (-7) 
1.3 (-6) 
1.0 
1.8 
1.8 
1.0 (-1) 
6.0 
48.8a 

1.0 (-3)a 

Note.—Numbers in parentheses: see 
Table 1. a Calculated values according to eqs. 
(6) and (7). 

can be understood by reference to the thermal and chemical 
structures of the standard model. 

3.1. Energy Balance 
3.1.1. Heating and Cooling 

Figure 1 plots the heating rates as a function of depth into 
the cloud for the standard case. As in the high-density PDR 
case, grain photoelectric heating is dominant for 0 < < 6 
and heats the gas to a temperature higher than the grain tem- 
perature. Near the surface of the cloud the photodissociation 
of H2, however, is the second most important heating mecha- 
nism after photoelectric heating. This contrasts with the high- 
density PDR, where the collisional de-excitation of 
FUV-pumped H2 is second to photoelectric heating. This dif- 
ference is a consequence of the lower density and comparably 
reduced importance of collisional de-excitations. 

In addition, in contrast to the high-density PDR case, 
cosmic-ray heating dominates beyond Av ~ 1 for the low- 
density PDR case. Other heating mechanisms, such as col- 
lisional de-excitation of infrared-pumped O i as well as 
gas-grain collisions, which are dominant deep in the high- 
density PDR, are of secondary importance here because the 
infrared dust radiation intensity and dust temperature are 
lower and the density is lower. This lack of coupling results in 
rather different dust and gas temperatures even in the deepest 
regions (Av ~ 10) of the PDR. 

Figure 2 shows the variation of the individual cooling rates 
as a function of depth into the cloud for the standard case. In 
the range of n0-G0 parameter space considered in this paper, 
[C n] 158 jum cooling generally dominates near the cloud 
surface, [C i] 370 and 609 jam cooling dominates around the 
C i abundance peak, and CO (low-J) cooling dominates at 
large optical depths into the cloud (Av ~ 6). At the low-density 
PDR surface [C n] 158 jam cooling is about an order of magni- 
tude greater than [O i] 63 jim; this contrasts with the domi- 
nance of [O i] 63 jam in the high-density PDR. The [O i] 63 jam 
has diminished in importance because the [O i] 63 jam tran- 
sition has a higher critical density [ncr(0) ^ 5 x 105 cm-3 

versus ncr(C+) ~ 3 x 103 cm-3] and excitation energy 
(AEol/k = 228 K versus AEcll/k = 92 K) than [C n] 158 jim. 

Fig. 1.—Different gas heating terms in the energy balance for the standard 
model, given as a function of the visual extinction Av into the cloud. 
“Photoelectric” refers to the grain photoelectric heating mechanism; “H2” 
refers to photodissociation of H2; “Hf ” is the collisional de-excitation of 
FUV-pumped H£; “C i” is the photoionization of atomic carbon; “O i (63 
/un)” is the collisional de-excitation of IR-pumped neutral oxygen; “dust” 
refers to the collisions with warm dust. 

Fig. 2.—Different gas cooling terms in the energy balance for the standard 
model, given as a function of the visual extinction Av into the cloud. “ C i ” is 
the sum of [C i] 370 gm and [C i] 609 gm; “H2” and “CO” are the total 
cooling by rotational and vibrational transitions of these molecules. 
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TABLE 2 

Standard Model Parameters 

Parameter Standard Model 
no(cm 3) •••• 
Go  
<5t;D(km s . 
sé r  

* o ��

Mg ' 

sé* 
^Fe 
Séy 
A 
^uv  
K,  
y  
00 (eV) . 
T0(K) .. 

1.0 (3) 
1.0 (3) 
1.5 
3.0 (-4) 
5.0 (-4) 
7.9 (-7) 
7.9 (-6) 
2.5 (-7) 
1.3 (-6) 
1.0 
1.8 
1.8 
1.0 (-1) 
6.0 
48.8a 

1.0 (-3)a 

Note.—Numbers in parentheses: see 
Table 1. a Calculated values according to eqs. 
(6) and (7). 

can be understood by reference to the thermal and chemical 
structures of the standard model. 

3.1. Energy Balance 
3.1.1. Heating and Cooling 

Figure 1 plots the heating rates as a function of depth into 
the cloud for the standard case. As in the high-density PDR 
case, grain photoelectric heating is dominant for 0 < < 6 
and heats the gas to a temperature higher than the grain tem- 
perature. Near the surface of the cloud the photodissociation 
of H2, however, is the second most important heating mecha- 
nism after photoelectric heating. This contrasts with the high- 
density PDR, where the collisional de-excitation of 
FUV-pumped H2 is second to photoelectric heating. This dif- 
ference is a consequence of the lower density and comparably 
reduced importance of collisional de-excitations. 

In addition, in contrast to the high-density PDR case, 
cosmic-ray heating dominates beyond Av ~ 1 for the low- 
density PDR case. Other heating mechanisms, such as col- 
lisional de-excitation of infrared-pumped O i as well as 
gas-grain collisions, which are dominant deep in the high- 
density PDR, are of secondary importance here because the 
infrared dust radiation intensity and dust temperature are 
lower and the density is lower. This lack of coupling results in 
rather different dust and gas temperatures even in the deepest 
regions (Av ~ 10) of the PDR. 

Figure 2 shows the variation of the individual cooling rates 
as a function of depth into the cloud for the standard case. In 
the range of n0-G0 parameter space considered in this paper, 
[C n] 158 jum cooling generally dominates near the cloud 
surface, [C i] 370 and 609 jam cooling dominates around the 
C i abundance peak, and CO (low-J) cooling dominates at 
large optical depths into the cloud (Av ~ 6). At the low-density 
PDR surface [C n] 158 jam cooling is about an order of magni- 
tude greater than [O i] 63 jim; this contrasts with the domi- 
nance of [O i] 63 jam in the high-density PDR. The [O i] 63 jam 
has diminished in importance because the [O i] 63 jam tran- 
sition has a higher critical density [ncr(0) ^ 5 x 105 cm-3 

versus ncr(C+) ~ 3 x 103 cm-3] and excitation energy 
(AEol/k = 228 K versus AEcll/k = 92 K) than [C n] 158 jim. 

Fig. 1.—Different gas heating terms in the energy balance for the standard 
model, given as a function of the visual extinction Av into the cloud. 
“Photoelectric” refers to the grain photoelectric heating mechanism; “H2” 
refers to photodissociation of H2; “Hf ” is the collisional de-excitation of 
FUV-pumped H£; “C i” is the photoionization of atomic carbon; “O i (63 
/un)” is the collisional de-excitation of IR-pumped neutral oxygen; “dust” 
refers to the collisions with warm dust. 

Fig. 2.—Different gas cooling terms in the energy balance for the standard 
model, given as a function of the visual extinction Av into the cloud. “ C i ” is 
the sum of [C i] 370 gm and [C i] 609 gm; “H2” and “CO” are the total 
cooling by rotational and vibrational transitions of these molecules. 
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Hollenbach +1991

Cosmic Ray heating dominates CO line cooling dominates à Tk = 10-20 K 

n(H2) > 103 cm-3 M ~103-107 Msun (those you see in CO & HCN emission with ALMA)
Dense molecular clouds are self-gravitating (Ptot  > Pamb) rather than 

in pressure equilibrium with other phases in the ISM. 



438 CHAPTER 39

& Ostriker (1977) developed a model of the ISM that took into account the effects
of these blastwaves. They envisaged an ISM consisting of three distinct phases:
cold gas – the cold neutral medium (CNM); warm gas – the warm neutral medium
(WNM) and warm ionized medium (WIM); and hot gas – the hot ionized medium
(HIM). A SNR blastwave expands into this composite medium, as illustrated in
Fig. 39.3.

Figure 39.3 Left: Structure of a typical cold cloud in the three-phase model of McKee
& Ostriker (1977). Right: Close-up of a supernova blastwave. From McKee & Ostriker
(1977).

McKee & Ostriker (1977) argued that the pressure in the ISM was maintained
by SNe – if initially the ISM had a low pressure, then SNRs would expand to large
radii before “fading,” with resulting overlap. The pressure in the ISM will rise until
the SNRs tend to overlap just as they are fading, at which point the pressure in
the ISM is the same as the pressure in the SNR. According to this argument, the
condition NSN ≈ 1 can be used to predict the pressure in the ISM.

We previously obtained an equation (39.32) for NSN in terms of the supernova
rate per volume S, E51, n0, and cs. If we write p = 1.4nHmHc2s, we can eliminate
cs in favor of the pressure p. The expectation value for overlap then becomes

NSN = 0.24S−13 E
1.27
51 n−1.11

0 c−13/5
s,6 (39.35)

= 0.48S−13 E
1.27
51 n−0.19

0 p−1.30
4 , p4 ≡ p/k

104 cm−3 K
. (39.36)

Setting NSN = 1, we solve for the pressure:
p

k
= S0.77

−13 n−0.15
0 × 5700 cm−3 K . (39.37)

The derived pressure depends weakly on n0; if we set n0 ≈ 1 (the mean den-

The classical multi-phase model of the ISM

McKee & Ostriker 1977

[e/H] =1.0

[e/H] =0.15

[e/H] =0.68

[e/H] =10-3

Dense molecular clouds (~20 % in mass of the ISM)
Tk = 10-20 K

n(H2) = 103-105 cm-3

[e/H] = 10-5-10-8 = ionization fraction

Supernova blast wave

But the ISM is dynamic & turbulent … changes of ‘phase’ or  ‘mixing’ occur,
   observations show WNM HI clouds in the thermally unstable regime (T ≠ 8000 K), etc.

Today:  hydrodynamic simulations of the turbulent (+ shocks) and magnetized ISM

cloud = CNM inter-cloud medium = WNM and WIM + HIM



Modern-day simulations of the turbulent ISM

Federrath et al. 2021,

Nature Astronomy, FLASH Code

Gas density contrast

Supersonic to sonic turbulence transition at  ~0.1 pc
(gravity overcomes turbulence. e.g., P. André+2010)

Complicated problem: turbulence is injected at very large scales but dissipated a very small scales
                       Hennebelle & Falgarone 2012 for a review. 

Shocks can induce
phase transitions
between WNM and CNM
Godard+2024

Turbulence in molecular
clouds can be supersonic 
à shocks…



Interstellar extinction by ISM dust

- AV = magnitudes of extinction in the visible range  (V= λV = 0.55 μm = 5500 Armstrongs) …

       AV  defines a useful “scale” to classify ISM neutral clouds: 

 * AV ≤ 1 mag  à  “Diffuse cloud“  : Visible- and FUV photons from stars are not attenuated

            à gas is neutral but large fraction of hydrogen is in HI atoms 

 * 1 ≤  AV ≤ 4 mag  à  “Translucent molecular cloud“:  FUV flux is still significant
          à most hydrogen is molecular H2

 * AV > 4 mag  à  “Dense Molecular cloud”:  mostly shielded from stellar FUV radiation
                                           

For standard diffuse ISM grains in the Milky Way:

  NH= N(H) + 2N(H2) ≈ 1.9·1021 · AV   cm-2 mag-1         Bohlin et al. (1978, ApJ)



Only E < 13.6 eV photons penetrate neutral clouds à far-UV photons, below Lyman limit ( 𝝀 > 911 A)
                                                               Remember, IP(Carbon) = 11.3 eV
 

Av~0  (neutral cloud)                                                 ~1 mag ~10 mag

HII

NH (cm-2) ≈ 1021 Av = nH (cm-3) x lenght (cm) 

massive
stars

CO-dark
molecular gas

mostly
Atomic

mostly
molecular

Model of the neutral ISM

HII

HII

HII

HII



Open big questions 
- How are ISM clouds assembled from diffuse gas and how do they ultimately form stars?

- How do the different energy sources (UV, thermal, CRs, turbulence, magnetic fields, gravity) 
contribute to the dynamical properties and evolution of the ISM ? Feedback processes? 

-  What are the limits of chemical complexity in the ISM ? à How are molecules formed?
                                                                     What do different molecules trace?
  



Answers: Observations and models !

H𝜶 survey WIM

                             Heritage



COBE/FIRAS low resolution map in [CII],[NII] Bennett et al ’94



probe the CNM (Bennet et al 94), WIM (Heiles et al 94)

PDRs (Cubick et al. 08)

	

Spatial resolution 7°  


Spectral res: 1000 km/sec


[CII]158𝛍m (C+) Most important
coolant of the CNM

Bennett +1994, COBE

Molecular ISM
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PLATE 3. a: All-sky map of H I 21 cm line intensity from the LAB survey (Kalberla et al.
2005), with angular resolution ∼0.6◦. Scale gives log10 N(H I)(cm−2). The LMC and SMC
are visible (cf. Plate 1), with a connecting H I “bridge.” Image courtesy of P. Kalberla. b: Hα
from Finkbeiner (2003). Many bubble-like ionized structures are apparent, including the Orion
Nebula and Barnard’s Loop near (", b) ≈ (209◦,−19◦); the Gum nebula (256◦,−9◦); and
the ζ Oph H II region (6◦, 23◦). Image courtesy of D. Finkbeiner. c: [C II]158µm from
Fixsen et al. (1999), reproduced by permission of the AAS. The map is smoothed to 10◦

resolution. Black stripes are unobserved regions. Scalebar shows [C II]158µm intensity in
nWm−2 sr−1.

Finkbeiner +2003

to the N(HI)þW(CO)þI3000 model mostly
comes from the Cygnus, Ophiuchus, and Orion
A and B clouds. Little g-ray emission is as-
sociated with the I3000 map on larger scales.
The g-ray fit largely improves (Fig. 3 and
fig. S1) when using the colder dust tracer I94
and the dust column densities as traced by the
E(B-V) reddening Esee the 2ln(l) values in
Table 1^.

The qHI emissivity found at 5- e kbk e 80-
is consistent with the solar circle average
(TSD) of (1.60 T 0.02) " 10j26 sj1 srj1 (16)
and 15% lower than those obtained near
major local clouds when neglecting the IC
emission (17). The extragalactic intensity agrees
with that measured with the EGRET inter-
stellar model: (14.5 T 0.5) " 10j6 cmj2 sj1

srj1 (18, 19). It is larger than the (11.10 T
0.12 T 2.2) " 10j6 cmj2 sj1 srj1 GALPROP
estimate (20) because of the 30% lower IC
intensity than that in GALPROP (9). Provided
cosmic rays uniformly pervade the HI and H2

phases, the N(HI)þW(CO) model yields an
average Xg 0 qCO/(2qHI) 0 (1.74 T 0.03) " 1020

molecules (mol.) cmj2 Kj1 kmj1 s in the
solar neighborhood, fully consistent with the
factor X 0 (1.8 T 0.3) " 1020 mol. cmj2 Kj1

kmj1 s obtained with the temperature-corrected
I¶3000 map and a smoothed I¶3000/N(HI) ratio
to measure the total gas (3). It is close to the
Galactic averages of (1.9 T 0.2) " 1020 mol.
cmj2 Kj1 kmj1 s (16) and (1.56 T 0.05) "
1020 mol. cmj2 Kj1 kmj1 s (19) derived
from g rays and different gas models.

The considerable improvement in the g-
ray fits when adding the I94 or E(B-V) dust
tracers demonstrates that g rays are produced
in the cold dust halos, in excess of those born
in the HI and CO gas or in the warmer dust
in these directions. Splitting the sky in three
longitude intervals did not change the result,
so one particular region does not drive the fit.
This bright emission, comparable to the entire
IIC map, is not due to IC emission from the

colder dust in the cloud halos. It contributes
only 0.6 and 0.9% of the CMB and warmer
dust emissions Efor a local electron spectrum
Ie 0 708 (E/1 GeV)j3.3 mj2 sj1 srj1 GeVj1

(21) and two dust components with n1.67 Bn
(9.4 K) and n2.70 Bn (16.2 K) emissivities
scaled to match typical fluxes of 1.5 MJy/sr at
500 GHz (FIRAS) and 15 MJy/sr at 3000 GHz
(IRAS)^. The lack of correlation with the
408 MHz synchrotron map shows that GeV
cosmic rays are not efficiently trapped in these
cloud halos. Their distribution couples to gas
density (19) and spiral arms (17), but their dif-
fusion properties imply coupling lengths much
larger than the cloud sizes: 1.76 T 0.20 kpc for
nuclei (19) and several hundred parsecs for

the highest energy electrons with large radi-
ative losses (22). Measurements of qHI in-
deed yield equivalent cosmic-ray densities
within 1 kpc from the Sun (17). Because the
local dust mass is only 1% of the gas one,
hadronic interactions with grains are negli-
gible. The g rays therefore trace the dark gas
forming these cloud halos, a gas invisible in
HI, CO, and free-free emission.

Assuming the same cosmic-ray flux in the
diffuse dark and HI gas, the g-ray intensities
give dark-gas column densities, NHdark (Fig. 4
and fig. S2). The E(B-V) and I94 tracers, total
and residual maps, give consistent NHdark col-
umn densities within 30% over most regions.
Fitting cloud complexes individually may lead

Fig. 1. Map, in Galactic coordinates centered on l 0 70-, of the excess dust reddening found above that
linearly correlated with the integrated HI and CO line intensities. The 94-GHz emission map shows the
same excesses. CO intensities above 4 K km sj1 are overlaid in cyan. The dust excesses form extended
halos around all CO clouds, the bright ones as well as the fainter CO cloudlets that are not overlaid.
This dust spreads in a dark gas, not seen in HI and CO but detected in g rays.

Table 1. Best fits to the g-ray data at 5- e kbk e 80- and 10- e kbk e 80-, for
the complete and residual (in bold and italics) dust maps. The log-likelihood
ratios 2.ln(l), measuring the fit improvement, are given with respect to the
N(HI)þW(CO) gas model and are distributed as a c2 with one degree of

freedom (12). The errors are statistical, not including systematic uncertainties
[10% in the EGRET exposure (10), 20% in the true N(HI) (32) and dust maps
(5), and 20% in the ‘‘dust-free’’ qCO because of cloud-to-cloud variations in
the dust residuals toward the CO clouds].

2.ln(l)
qHI

(10j26 sj1

srj1)

qCO
(10j6 cmj2 srj1

Kj1 kmj1)

qEBV
(10j6 magj1

cmj2 sj1 srj1)

qI94
(10j4 mKj1

cmj2 sj1 srj1)

qI3000
(10j7 MJyj1

cmj2 sj1)
qIC (10j1) qSOU

IE
(10j6 cmj2

sj1 srj1)

5- e kbk e 80-
0 1.62 T 0.01 5.65 T 0.10 7.46 T 0.06 1.01 T 0.01 13.21 T 0.09
241.8 1.63 T 0.01 5.54 T 0.09 2.83 T 0.20 6.54 T 0.09 1.00 T 0.01 13.93 T 0.10
1298.0 1.64 T 0.01 5.82 T 0.09 4.27 T 0.12 6.39 T 0.07 0.96 T 0.01 13.96 T 0.09
1556.7 1.65 T 0.01 5.91 T 0.09 57.5 T 1.5 6.43 T 0.07 0.96 T 0.01 13.91 T 0.09
241.8 1.49 T 0.02 4.84 T 0.11 2.83 T 0.21 6.54 T 0.09 1.00 T 0.01 13.74 T 0.10
1298.0 0.77 T 0.02 1.63 T 0.15 4.27 T 0.10 6.39 T 0.07 0.96 T 0.01 14.30 T 0.09
1556.7 0.71 T 0.04 0.53 T 0.54 57.5 T 3.7 6.43 T 0.07 0.96 T 0.01 14.45 T 0.09

10- e kbk e 80-
0 1.74 T 0.02 5.31 T 0.12 7.90 T 0.09 0.98 T 0.01 12.40 T 0.10
284.4 1.74 T 0.02 5.28 T 0.12 4.04 T 0.25 7.07 T 0.10 0.97 T 0.01 13.03 T 0.10
957.9 1.75 T 0.02 5.70 T 0.12 4.32 T 0.14 7.25 T 0.09 0.91 T 0.01 12.84 T 0.10
1048.6 1.76 T 0.02 5.60 T 0.12 54.4 T 1.7 7.17 T 0.09 0.91 T 0.01 12.83 T 0.10
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CO J = 1-0
dust

Excess of dust emission over CO and HI column density
     Planck collaboration+11 (dust) & Grenier+15 (𝛾-rays) 
    à Missing baryons  20-80% of molecular gas in galaxies?

Dame +2001

HII Region Photodissociation Region Molecular Cloud
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Av ≈                     0.1 mag 1-2 mag 2-3 mag 8 mag
Tgas ≈  104 K           103 K                           500 K          200 K                                              30 K
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Magnetic field

Sub(mm) dust thermal emission and polarization  Magnetic field orientation
            (texture) 
                                                                                         

Planck collaboration 2015

Planck (esa)

[CII]158μm

Orion complex
Core of Orion
star-forming region

Wavelength-dependent polarization of light
à grains are not spherical

If  polarization degree and angle are measured
à B field orientation can be estimated.

Polariza tion:
• Linear

• Dichroic extinction
• Dichroic emission
• Scattering 

• Circula r
• Dichroic extinction

?



Molecular gas (CO millimeter)

Far-infrared

(21 cm)

(ISM dust)

Most 𝝀!s carry specific information about the ISM 

The Milky Way at kpc scales 



II. Atomic/Molecular excitation
and radiative transfer

n
 T
Abundances

 𝜎$%&  
  …



ds

The equation of radiative transfer

dIν = -αν Iν + jν

s

Iν(τν) = Iν
0 e-τν +   Sν(τν’) e-(τν-τν’) dτν’

τν

0

Formal solution of the equation of radiative transfer:

Iν = Iν
0 e-τν +  Sν (1 – e-τν)

Solution for an homogeneous medium:

dτν = αν ds Sν =
αν

dIν = -Iν + Sν
dτν

defining τν and Sv as:

s    path length of propagation of ray (=) cm
αν local absorption coefficient (=) cm-1

jν local emission coefficient (=) erg s-1 cm-3 Hz-1 sr-1

1/αν ~mean free path (=) cm 

Iν
0 Iν

Iν = energy time-1 area-1 frequency-1 solid angle-1 = erg s-1 cm-2 Hz-1 sr-1

jν



Limiting cases (τν)

Iν = Iν
0 e-τν +  Sν (1 – e-τν)

radiative transfer equation
for an homogeneous medium

s

Iν
0 Iν

τν à 0 è Iν = Iν
0 + [Sν – Iν

0] τν optically “thin” emission

τν à ∞ è Iν = Sν optically “thick” emission

à It shows the effects of matter on radiation.

τ ~ 1



Aul spontaneous emission rate [=] s-1

J · Blu absorption rate [=] s-1

J · Bul stimulated emission rate [=] s-1

gl Blu = gu BulAul = Bul  (s-1)
2hν3

c2 J =           dΩ Iν ϕ(ν) dν1
4π 4π 0

∞

gl gu statistical weight of lower and upper level

Relations between Einstein coefficients Average intesity J (over angle and line profile):

ϕ(ν) =               exp −1
Δν π1/2

ν−ν0

Δν( )2{ }
νν0

Δν

2(Ln2)1/2

ϕ

Intrinsic line profile function ϕ(ν) in terms frequency [=] Hz-1

∞
ϕ(ν) dν = 1

0

From macroscopic (αν jν) to microscopic quantities
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Aul Einstein coefficient of spontaneous emission [=] s-1
gl gu statistical weight of lower and upper level
ϕ(ν)  line profile function [=] Hz-1
nl nu population of lower and upper level [=] cm-3

hν Aul Blu Bul

From macroscopic (αν , jν) to microscopic quantities
two-level system
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Aul spontaneous emission rate [=] s-1

4πJBlu absorption rate [=] s-1

4πJBul stimulated emission rate [=] s-1

gl Blu = gu BulAul = 4π            Bul
2hν3

c2 J =           dΩ Iν ϕ(ν) dν1
4π 4π 0

∞

gl gu statistical weight of lower and upper level

relations between Einstein coefficients average radiation field J

ϕ(ν) =               exp −1
Δν π1/2

ν−ν0
Δν( )2{ }

νν0

Δν

2(Ln2)1/2

ϕ

intrinsic line profile function ϕ(ν)  [=] Hz-1

∞
ϕ(ν) dν = 1

0

normalized such as:
when thermal motions or microturbulence

dominate à gaussian line profile
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Aul Einstein coefficient of spontaneous emission [=] s-1

Bul and Blu Stimulated emission/absorption coefficients [=] cm+2 erg-1 s-1

gl gu Statistical weight of lower and upper level
ϕ(ν)   Line profile function [=] Hz-1

nl nu Population of lower and upper level [=] cm-3
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ϕ(ν)  line profile function [=] Hz-1
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hν

hν
4π

nu Aul ϕ(ν)

jν emission coefficient (=) erg s-1 cm-3 Hz-1 sr-1

αν absorption coefficient (=) cm-1

Aul BulBlu

From macroscopic (αν , jν) to microscopic quantities

ul

J

J
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The excitation temperature
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thermal emission

Tex < 0   è nu /gu > nl /gl è αν < 0   è τν < 0
inverted populations
maser emission
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thermal emission
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jν =

αν =

From macroscopic (αν jν) to microscopic quantities

hν nu Aulϕ(ν)4π
jν =

c2Aul nu ϕ(ν)
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Aul Einstein coefficient of spontaneous emission [=] s-1
gl gu statistical weight of lower and upper level
ϕ(ν)  line profile function [=] Hz-1
nl nu population of lower and upper level [=] cm-3

hν

αν c2 exp(hν/kTex) - 1

nl /gl

2hν3
Sν =

nl /gl

nu /gu
- 1

jν =
1

)(
2hν3

c2
=

1
Sν = Bν (Tex )

nu /gu
= exp(-hν/kTex)

Planck law at T=Tex

Blackbody
at Tex

Aul Blu Bul

nu Aul ϕ(ν)

hν
4π

(nl Blu - nu Bul ) ϕ(ν)

…

But Tex is not known …

ul

J

J

ds

The equation of radiative transfer

dIν = -αν Iν + jν

s

Iν(τν) = Iν0 e-τν +   Sν(τν’) e-(τν-τν’) dτν’
τν

0

Formal solution of the equation of radiative transfer:

Iν = Iν0 e-τν +  Sν (1 – e-τν)

Solution for an homogeneous medium:

dτν = αν ds Sν =
αν

dIν = -Iν + Sν
dτν

defining τν and Sv as:

s    path length of propagation of ray (=) cm
αν local absorption coefficient (=) cm-1

jν local emission coefficient (=) erg s-1 cm-3 Hz-1 sr-1
1/αν ~mean free path (=) cm 

Iν0 Iν

Iν = energy time-1 area-1 frequency-1 solid angle-1 = erg s-1 cm-2 Hz-1 sr-1

jν

The Source function S𝝂



Brightness temperature, h𝝂 << kT

Iν = Iν
0 e-τν +  Sν (1 – e-τν)

radiative transfer equation
for an homogeneous medium

s

τν à 0 è TB
LINE ~ (Tex-Tbg

0) ·τν ~ Tex · N optically ‘thin’ emission

τν à ∞ è TB
LINE ~ Tex-Tbg

0  ~ Tex optically ‘thick’ emission

TB = Tbg
0 e-τν +  Tex (1 – e-τν)

TB
LINE = TB - Tbg

0 = (Tex-Tbg
0)·(1 – e-τν)

ON – OFF
measurement

Limiting cases (τν)

Iν = Iν0 e-τν +  Sν (1 – e-τν)

radiative transfer equation
for an homogeneous medium

s

τν à 0 è Iν = Iν0 + [Sν – Iν0] τν optically thin emission

τν à ∞ è Iν = Sν optically thick emission

Tbg
0 TB

TB
LINE = TB - Tbg

0

0

Expanding the Planck law
for small hv/k values …



How are level populations (nu nl) - thus Tex - determined?



Rotational population diagram
(or ‘Boltzmann plot’)

Hands-on Project 3: Tracing the physical 
properties of warm molecular gas 
through observations and models of the 
submillimeter CO rotational ladder
Wait until Thursday… 



Statistical equilibrium equations

ϒul collisional rate coefficient for transition u à l                 [=] cm3s-1

n        colliders density (H2 , e-, … ) [=] cm-3

ϒul·n collisional excitation rate for transition u à l per unit time       [=] s-1

Statistical equilibrium
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hν Aul J·Blu J·Bul ϒlun ϒuln

radiative processes collisional processes

dni

dt
= Σ nj (J·Bji + ϒjin)  +  Σ nj Aji – ni Σ (J·Bij + ϒijn)  – ni Σ Aij = 0
j≠i j>i j≠i j<i

ϒijn collisional excitation rate for transition i à j per unit time             [=] s-1
ϒij collisional rate coefficient for transition i à j                 [=] cm3s-1
n        number of particles of buffer gas per unit volume [=] cm-3
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hν Aul J·Blu J·Bul ϒlun ϒuln

radiative processes collisional processes

dni

dt
= Σ nj (J·Bji + ϒjin)  +  Σ nj Aji – ni Σ (J·Bij + ϒijn)  – ni Σ Aij = 0
j≠i j>i j≠i j<i

ϒijn collisional excitation rate for transition i à j per unit time             [=] s-1
ϒij collisional rate coefficient for transition i à j                 [=] cm3s-1
n        number of particles of buffer gas per unit volume [=] cm-3

Effects of radition
on matter

Populate upper level i De-populate upper level i 

Two-level system



Statistical equilibrium
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radiative processes collisional processes

dni

dt
= Σ nj (J·Bji + ϒjin)  +  Σ nj Aji – ni Σ (J·Bij + ϒijn)  – ni Σ Aij = 0
j≠i j>i j≠i j<i

ϒijn collisional excitation rate for transition i à j per unit time             [=] s-1
ϒij collisional rate coefficient for transition i à j                 [=] cm3s-1
n        number of particles of buffer gas per unit volume [=] cm-3
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hν Aul 4πJluBlu 4πJluBul ϒlun ϒuln

radiative processes collisional processes

dni

dt
= Σ nj (4πJijBji + ϒjin) +  Σ nj Aji – ni Σ (4πJijBij + ϒijn) – ni Σ Aij = 0
j≠i j>i j≠i j<i

ϒlu gl = ϒul gu exp(-hν/kTkin)      collisional rate coefficients must fulfil detailed balance

Limiting case: collisional rates >> radiative rates à LTE

nuϒul n − nlϒlu n = 0        →
nu /gu

= exp(-hν/kTkin)
Boltzmann population

distribution at Tkin

Collisional rate coefficients (e.g. CO + H2):

Limiting case: collisional rates >> radiative rates à LTE
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hν Aul J·Blu J·Bul ϒlun ϒuln

radiative processes collisional processes

dni

dt
= Σ nj (J·Bji + ϒjin)  +  Σ nj Aji – ni Σ (J·Bij + ϒijn)  – ni Σ Aij = 0
j≠i j>i j≠i j<i

ϒijn collisional excitation rate for transition i à j per unit time             [=] s-1
ϒij collisional rate coefficient for transition i à j                 [=] cm3s-1
n        number of particles of buffer gas per unit volume [=] cm-3

𝛾!"(𝑇) = &𝜎!" 𝑣 𝑣 𝑓# 𝑑𝑣

Cross-section [cm2]
(computed by quantum methods)

Maxwell distribution
of thermal velocities [cm/s]

𝛾#$ ~ 𝜎#$ · 𝑣 [=] cm3 s-1        

“LTE”
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ϒijn collisional excitation rate for transition i à j per unit time             [=] s-1
ϒij collisional rate coefficient for transition i à j                 [=] cm3s-1
n        number of particles of buffer gas per unit volume [=] cm-3

Limiting case: collisional rates << radiative rates

Statistical equilibrium
sp
on

ta
ne

ou
s

em
iss

io
n

ab
so
rp
tio

n

st
im

ul
at
ed

em
iss

io
n

upper level (u)

lower level (l)

hν Aul J·Blu J·Bul ϒlun ϒuln

radiative processes collisional processes

dni

dt
= Σ nj (J·Bji + ϒjin)  +  Σ nj Aji – ni Σ (J·Bij + ϒijn)  – ni Σ Aij = 0
j≠i j>i j≠i j<i

ϒijn collisional excitation rate for transition i à j per unit time             [=] s-1
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radiative processes collisional processes

dni

dt
= Σ nj (4πJijBji + ϒjin)  +  Σ nj Aji – ni Σ (4πJijBij + ϒijn)  – ni Σ Aij = 0
j≠i j>i j≠i j<i

if J ~ Bν (Tbg)      uniform blackbody radiation field at Tbg

Limiting case: radiative rates >> collisional rates

nu J ·Bul + nuAul − nl J·Blu = 0 è
nu /gu

= exp(-hν/kTbg) Boltzmann population
distribution at Tbg



Statistical equilibrium
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= Σ nj (J·Bji + ϒjin)  +  Σ nj Aji – ni Σ (J·Bij + ϒijn)  – ni Σ Aij = 0
j≠i j>i j≠i j<i

ϒijn collisional excitation rate for transition i à j per unit time             [=] s-1
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Radiative transfer models

NON-LTE BUT LOCAL EXCITATION AND RADIATIVE TRANSFER MODELS: 

- LVG & escape probability:                Sobolev 1960 and Castor 1970, MNRAS
One slab with J ~ Sij (1- 𝜷) RADEX:  van der Tak et al. 2007, A&A

𝛽 =  The probability that a photon escapes  ~ 
𝟏" 𝒆#𝝉

𝝉

NON-LOCAL & NON-LTE EXCITATION AND RADIATIVE TRANSFER MODELS: 

- Monte Carlo (solving Eq. RT):            Bernes 1979, A&A  Hogerheijde & van der Tak 2000, A&A
(flexible geometries and velocity fields) González-Alfonso & Cernicharo 1993, A&A

Goicoechea et al. 2006, 2022, A&A
Brinch &  Hogerheijde 2010 (LIME)

- Accelerated Λ Iteration (ALI):            Rybicki & Hummer 1991, A&A

- Coupled escape probability (CEP):    Elitzur & Asensio Ramos 2006, MNRAS
(multi slabs)

Different methods depend on how J is computed

Asensio Ramos & Elitzur 2018, A&A  MOLPOP-CEP

v



USEFUL LIMITS:

If  n >> ncr à collisions dominate excitation à  Tex ≈ Tkin ~ LTE

If n << ncr à radiative excitations dominate à Tex  < Tkin

                                             (‘subthermal’ emission)

‘Line trapping’ as 𝝉 increases:

𝒏𝒄𝒓,𝒆𝒇𝒇 ~ 𝑨𝒖𝒍· 𝜷
𝜸𝒖𝒍

 ~ 𝑨𝒖𝒍
𝜸𝒖𝒍 · 𝝉

~ 𝒏𝒄𝒓
𝝉
à  Tex ↑

with ϒul = σ v [cm3 s-1]

Critical density of a transition

In most cases, one must solve the statistical equilibrium 
equations with a model …

Statistical equilibrium

sp
on

ta
ne

ou
s

em
iss

io
n

ab
so
rp
tio

n

st
im

ul
at
ed

em
iss

io
n

upper level (u)

lower level (l)

hν Aul J·Blu J·Bul ϒlun ϒuln

radiative processes collisional processes

dni

dt
= Σ nj (J·Bji + ϒjin)  +  Σ nj Aji – ni Σ (J·Bij + ϒijn)  – ni Σ Aij = 0
j≠i j>i j≠i j<i
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n        number of particles of buffer gas per unit volume [=] cm-3

Optically thick lines thermalize at lower densities

ncr ~
𝑨𝒖𝒍
𝜸𝒖𝒍

 [cm-3]



temperature ratio between the studied transitions of each species is computed. The left and the
right plot of Figure 6 shows respectively the TB(12CO2�1)

TB(12CO1�0) ratio and the TB(HCO+3�2)
TB(HCO+1�0) ratio as functions

of the density nH2 and the kinetic temperature Tkin. The TB(12CO2�1)
TB(12CO1�0) ratio presents straight isolines

regardless of the density nH2 while TB(HCO+3�2)
TB(HCO+1�0) ratio presents straight isolines regardless of the

temperature of the gas. These opposite behaviors confirm the previous observations : 12CO is
more likely to inform about the temperature while HCO+ is more likely to inform about
the density nH2 . Thus, the study of these two di↵erent species allows to get complementary
information about the cloud.

Figure 6: Illustration of the thermometer behavior that plays 12CO and the nH2 probe behavior that plays HCO+.
The left figure is the brigthness temperature ratios between the J=1 � 0 and J=2 � 1 transitions of 12CO as a

function of the kinetic temperature and volume density nH2 . The right figure is the brigthness temperature ratio
between the J=1 � 0 and J=3 � 2 transitions of HCO+ as a function of the kinetic temperature and volume density

nH2 .

3 The three-layers or Sandwich model of the cloud
The physical quantities presented in the previous section 2 have been introduced through the
study of a homogeneous layer of gas. However, as discussed in the introduction, modeling the
cloud of Orion B as a single and homogeneous layer of gas makes impossible the distinction
of dense areas from di↵use ones in the line of sight. We thus chose to model the cloud as a
succession of di↵erent layers. This section presents the Sandwich model, that corresponds to a
three-layers model. The subsection 3.1 deals with the theoretical aspects of this model and the
subsection 3.2.1 deals with its implementation in Python.

3.1 Model assumptions
The spherical view of the Sandwich model is illustrated by Fig.7.a. The core of the cloud
corresponds to the central layer (blue layer). This layer has the coldest kinetic temperature
and the highest volume and column densities, in regard to the di↵use envelope (red layer) that
surrounds it. The envelope can be heated by nearby massive stars and thus, has the warmest
kinetic temperature. As the size of the Horsehead in the sky plane is about ⇠ 13 ⇥ 18 pc2 and
the pixel covers ⇠ 50 ⇥ 50 mpc2, the curvature of each layer is negligeable. Thus, the Orion B
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temperature ratio between the studied transitions of each species is computed. The left and the
right plot of Figure 6 shows respectively the TB(12CO2�1)

TB(12CO1�0) ratio and the TB(HCO+3�2)
TB(HCO+1�0) ratio as functions

of the density nH2 and the kinetic temperature Tkin. The TB(12CO2�1)
TB(12CO1�0) ratio presents straight isolines

regardless of the density nH2 while TB(HCO+3�2)
TB(HCO+1�0) ratio presents straight isolines regardless of the

temperature of the gas. These opposite behaviors confirm the previous observations : 12CO is
more likely to inform about the temperature while HCO+ is more likely to inform about
the density nH2 . Thus, the study of these two di↵erent species allows to get complementary
information about the cloud.

Figure 6: Illustration of the thermometer behavior that plays 12CO and the nH2 probe behavior that plays HCO+.
The left figure is the brigthness temperature ratios between the J=1 � 0 and J=2 � 1 transitions of 12CO as a

function of the kinetic temperature and volume density nH2 . The right figure is the brigthness temperature ratio
between the J=1 � 0 and J=3 � 2 transitions of HCO+ as a function of the kinetic temperature and volume density

nH2 .

3 The three-layers or Sandwich model of the cloud
The physical quantities presented in the previous section 2 have been introduced through the
study of a homogeneous layer of gas. However, as discussed in the introduction, modeling the
cloud of Orion B as a single and homogeneous layer of gas makes impossible the distinction
of dense areas from di↵use ones in the line of sight. We thus chose to model the cloud as a
succession of di↵erent layers. This section presents the Sandwich model, that corresponds to a
three-layers model. The subsection 3.1 deals with the theoretical aspects of this model and the
subsection 3.2.1 deals with its implementation in Python.

3.1 Model assumptions
The spherical view of the Sandwich model is illustrated by Fig.7.a. The core of the cloud
corresponds to the central layer (blue layer). This layer has the coldest kinetic temperature
and the highest volume and column densities, in regard to the di↵use envelope (red layer) that
surrounds it. The envelope can be heated by nearby massive stars and thus, has the warmest
kinetic temperature. As the size of the Horsehead in the sky plane is about ⇠ 13 ⇥ 18 pc2 and
the pixel covers ⇠ 50 ⇥ 50 mpc2, the curvature of each layer is negligeable. Thus, the Orion B
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Tex ~ Tkin

CO line intensity ratios
trace the gas temperature

Tex << Tkin (subthermal)

HCO+ line intensity ratios
trace the gas density
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dni

dt
= Σ nj (J·Bji + ϒjin)  +  Σ nj Aji – ni Σ (J·Bij + ϒijn)  – ni Σ Aij = 0
j≠i j>i j≠i j<i

ϒijn collisional excitation rate for transition i à j per unit time             [=] s-1
ϒij collisional rate coefficient for transition i à j                 [=] cm3s-1
n        number of particles of buffer gas per unit volume [=] cm-3

Spectroscopic & Collisional data

https://home.strw.leidenuniv.nl/~moldata/

https://basecol.vamdc.eu/index.html

https://cdms.astro.uni-koeln.de/classic/entries/

https://spec.jpl.nasa.gov

Try to thank the papers with the
specific calculations too… ! 



Radiative transfer models
                                           (extra ingredients…)

ds

The equation of radiative transfer

dIν = -αν Iν + jν

s

Iν(τν) = Iν0 e-τν +   Sν(τν’) e-(τν-τν’) dτν’
τν

0

Formal solution of the equation of radiative transfer:

Iν = Iν0 e-τν +  Sν (1 – e-τν)

Solution for an homogeneous medium:

à It shows the effects of matter on radiation.

dτν = αν ds Sν =
αν

dIν = -Iν + Sν
dτν

defining τν and Sv as:

s    path length of propagation of ray (=) cm
αν local absorption coefficient (=) cm-1

jν local emission coefficient (=) erg s-1 cm-3 Hz-1 sr-1
1/αν ~mean free path in cm 

Iν0 Iν

Iν = energy time-1 area-1 frequency-1 solid angle-1 = erg s-1 cm-2 Hz-1 sr-1

jν

A) Gas and dust coexist,  affecting the excitation of molecular lines:

αν = αgas + αdust with   αdust = dust absoption coeficient
                                                      e.g., Draine & Lee 84, Ossenkopf & Henning 94

jν = jgas + jdust                    with   jdust = αdust · B(Tdust)   = dust emissivity 
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shown in Fig. 5. Again, the achieved low rms allows us to provide
a sensitive upper limit to the H3S+ column density. This results
in N(H3S+) = (5.5–7.5)⇥ 1010 cm�2 (5�) assuming an excitation
temperature range Tex = 10–30 K and extended emission. Given
the bright H2S emission close to the edge of the Orion Bar,
and because H2S formation at the DF might be driven by very
exoergic processes, we also searched for the 11,0–10,1 line of
vibrationally excited H2S (in the bending mode ⌫2). The fre-
quency of this line lies at ⇠181.4 GHz (Azzam et al. 2013), thus at
the end of our 2 mm-band observations of the DF (rms' 16 mK).
However, we do not detect this line either.

4. Coupled nonlocal excitation and chemistry

In this section we study the rotational excitation of the observed
S-bearing hydrides3. We determine the SH+, SH (upper limit),
and H2S column densities in the Orion Bar, and the “average”
gas physical conditions in the sense that we search for the combi-
nation of single Tk, nH, and N that better reproduces the observed
line intensities (so-called “single-slab” approach). In Sect. 6 we
expand these excitation models to multi-slab calculations that
take into account the expected steep gradients in a PDR.

In the ISM, rotationally excited levels are typically populated
by inelastic collisions. However, the lifetime of very reactive
molecules can be so short that the details of their formation and
destruction need to be taken into account when determining how
these levels are actually populated (Black 1998). Reactive col-
lisions (collisions that lead to a reaction and thus to molecule
destruction) influence the excitation of these species when their
timescales become comparable to those of nonreactive colli-
sions. The lifetime of reactive molecular ions observed in PDRs
(e.g., Fuente et al. 2003; Nagy et al. 2013; van der Tak et al. 2013;
Goicoechea et al. 2017, 2019) can be so short that they do not
get thermalized by nonreactive collisions or by absorption of the
background radiation field (Black 1998). In these cases, a proper
treatment of the molecule excitation requires including chemi-
cal formation and destruction rates in the statistical equilibrium
equations (dni / dt = 0) that determine the level populations:
X

j>i

n j A ji +
X

j,i

ni
⇣
Bji J̄ ji +C ji

⌘
+ Fi (5)

= ni

0
BBBBBB@
X

j<i

Ai j +
X

j,i

⇣
Bi j J̄i j +Ci j

⌘
+ Di

1
CCCCCCA , (6)

where ni [cm�3] is the population of rotational level i, Ai j and Bi j
are the Einstein coefficients for spontaneous and induced emis-
sion, Ci j [s�1] is the rate of inelastic collisions4 (Ci j =

P
k �i j, k nk,

where �i j, k(T ) [cm3s�1] are the collisional rate coefficients and
k stands for H2, H, and e�), and J̄i j is the mean intensity of the
total radiation field over the line profile. In these equations, ni Di
is the destruction rate per unit volume of the molecule in level
i, and Fi its formation rate per unit volume (both in cm�3s�1).
When state-to-state formation rates are not available, and assum-
ing that the destruction rate is the same in every level (Di = D),
3 Readers interested only in the chemistry of these species and in
depth-dependent PDR models could directly jump to Sect. 6.
4 We use the following inelastic collision rate coefficients �i j:
• SH+– e�, including hyperfine splittings (Hamilton et al. 2018).
• SH+– o-H2 and p-H2, including hyperfine splittings (Dagdigian
2019a).
• SH+– H, including hyperfine splittings (Lique et al. 2020).
• o-H2S and p-H2S with o-H2 and p-H2 (Dagdigian 2020).
• SH– He, including fine-structure splittings (Kłos et al. 2009).

one can use the total destruction rate D [s�1] (=
P

k nk kk(T ) +
photodestruction rate, where kk [cm3s�1] is the state-averaged
rate of the two-body chemical reaction with species k) and con-
sider that the level populations of the nascent molecule follow
a Boltzmann distribution at an effective formation temperature
Tform:

Fi = F gi e�Ei/kTform /Q(Tform). (7)

In this formalism, F [cm�3 s�1] is the state-averaged formation
rate per unit volume, gi the degeneracy of level i, and Q(Tform) is
the partition function at Tform (van der Tak et al. 2007).

This “formation pumping” formalism has been previously
implemented in large velocity gradient codes to treat, for exam-
ple, the local excitation of the very reactive ion CH+ (Nagy
et al. 2013; Godard & Cernicharo 2013; Zanchet et al. 2013b;
Faure et al. 2017). However, interstellar clouds are inhomoge-
neous and gas velocity gradients are typically modest at small
spatial scales. This means that line photons can be absorbed
and reemitted several times before leaving the cloud. Here we
implemented this formalism in a Monte Carlo code that explic-
itly models the nonlocal behavior of the excitation and radiative
transfer problem (see Appendix of Goicoechea et al. 2006).

Although radiative pumping by dust continuum photons does
not generally dominate in PDRs, for completeness we also
included radiative excitation by a modified blackbody at a dust
temperature of ⇠50 K and a dust opacity ⌧� = 0.03 (150/�[µm])1.6

(which reproduces the observed intensity and wavelength depen-
dence of the dust emission in the Bar; Arab et al. 2012). The
molecular gas fraction, f (H2) = 2n(H2)/nH, is set to 2/3, where
nH = n(H) + 2n(H2) is the total density of H nuclei. This choice is
appropriate for the dissociation front and implies n(H2) = n(H).
As most electrons in the DF come from the ionization of carbon
atoms, the electron density ne is set to ne ' n(C+) = 1.4⇥ 10�4 nH
(e.g., Cuadrado et al. 2019). For the inelastic collisions with o-H2
and p-H2, we assumed that the H2 ortho-to-para (OTP) ratio is
thermalized to the gas temperature.

4.1. SH+ excitation and column density

We start by assuming that the main destruction pathway of
SH+ are reactions with H atoms and recombinations with
electrons (see Sect. 6.1). Hence, the SH+ destruction rate is
D' ne ke(T ) + n(H) kH(T ) (see Table 1 for the relevant chemical
destruction rates). For Tk = Te = 200 K and nH = 106 cm�3 (e.g.,
Goicoechea et al. 2016) this implies D' 10�4 s�1 (i.e., the life-
time of an SH+ molecule in the Bar is less than 3 h). At these
temperatures and densities, D is about ten times smaller than
the rate of radiative and inelastic collisional transitions that
depopulate the lowest-energy rotational levels of SH+. Hence,
formation pumping does not significantly alter the excitation of
the observed SH+ lines, but it does influence the population of
higher-energy levels. Formation pumping effects have been read-
ily seen in CH+ because this species is more reactive5 and its
rotationally excited levels lie at higher-energy (i.e., their inelastic
collision pumping rates are slower, e.g., Zanchet et al. 2013b)

Figure 6 shows results of several models: without formation
pumping (dotted curves for model “F =D = 0”), adding forma-
tion pumping with SH+ destruction by H and e� (continuous
curves for model “F,D”), and using a factor of ten higher SH+

5 CH+ is more reactive than SH+ because CH+ does react with
H2(v= 0) exothermically producing CH+2 at k = 1.2⇥ 10�9 cm3 s�1

(Anicich 2003) and also because reaction of CH+ with H is faster,
k = 7.5⇥ 10�10 cm3 s�1.
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is strictly only valid when collisional excitation dominates. This
assumption allows the source function to be written as

S νul =
nuAul

nlBlu − nuBul
=

2hν3ul

c2

(
gunl

glnu
− 1

)−1

, (9)

where we have used the Einstein relations. It is common to
introduce an excitation temperature Tex defined through the
Boltzmann equation

nu

nl
=
gu

gl
exp [−(Eu − El)/kTex] , (10)

where Ei is the energy of level i, such that S νul = Bν(Tex), the
specific intensity of a blackbody radiating at Tex.

In the interstellar medium, the dominant line broadening
mechanism is Doppler broadening. Except in very cold and dark
cloud cores, observed line widths are much larger than expected
from the kinetic temperature: this effect is commonly ascribed
to random macroscopic gas motions or “turbulence”. The result
is a Gaussian line profile

φν =
1
νD
√
π

exp
[
−

(
ν − νul − u · n

νul

c

)2
/ν2D

]
, (11)

where νD is the Doppler width, u is the velocity vector of the
moving gas at the position of the scattering, n is a unit vector in
the direction of the propagating beam of radiation, and c is the
speed of light. The Doppler width is the 1/e half-width of the
profile, equal to ∆V/2

√
ln 2 where ∆V is its full width at half-

maximum.
If the level populations ni are known, the radiative transfer

equation can be solved exactly. In particular, under LTE con-
ditions, knowledge of the kinetic gas temperature Tkin allows
the determination of ni by virtue of the Boltzmann equation
(Eq. (10)). For many interstellar and circumstellar media, the
density is too low to attain LTE, but statistical equilibrium (SE)
can often be assumed:

dni

dt
= 0 =

N∑

j! i

n jP ji − ni

N∑

j! i

Pi j = Fi − niDi, (12)

where Pi j, the destruction rate coefficient of level i, and its for-
mation rate coefficient P ji are given by

Pi j =

{
Ai j + Bi j J̄ν +Ci j (i > j)
Bi j J̄ν +Ci j (i < j). (13)

In Eq. (13),

Bi j J̄ν = Bi j

∫ ∞

0
Jν φ(ν) dν (14)

is the number of induced radiative (de-)excitations from state i
to state j per second per particle in state i, and

Jν =
1

4π

∫
Iν dΩ (15)

is the specific intensity Iν integrated over solid angle dΩ and
averaged over all directions. The SE equations thus include the
effects of non-local radiation.

This discussion assumes that the state-specific rates of for-
mation Fi [cm3 s−1] and destruction Di [s−1] are zero to ensure
that the radiative transfer is solved independently of assump-
tions about chemical processes. In general, formation and de-
struction processes should be included explicitly to be able to

deal with situations in which the chemical time scales are very
short or the radiative lifetimes very long. For example, the for-
mation temperature (in Fi) affects the rotational excitation of C3
(Roueff et al. 2002) and the vibrational excitation of H2 (Black
& van Dishoeck 1987; Burton et al. 1990; Takahashi & Uehara
2001), systems for which line radiation only occurs as slow elec-
tric quadrupole transitions. The rotational excitation of reactive
ions like CO+ (Fuente et al. 2000; Black 1998) is also sensitive
to Fi and Di because the rates of reactions with H and H2 ri-
val the inelastic collision excitation rates. Similar considerations
apply to the excitation of H+3 in the Sgr A region close to the
Galactic Center (Van der Tak 2006), where electron impact ex-
citation competes with dissociative recombination.

2.2. Molecular line cooling

Once the radiative transfer problem has been solved and the level
populations are known, the cooling (or heating) from molecu-
lar line emission can be estimated. Since the level populations
contain all the information of the radiative transfer, a general ex-
pression for the cooling is obtained from considering all possible
collisional transitions

Λ =
∑

i

n(i)
∑

l

∑

u>l

(nlγlu − nuγul)hνul, (16)

where i denotes a collision partner. The emissivity Λ in
erg s−1 cm−3 is defined to be positive for net cooling. From
Eq. (6), the collision rate coefficients γlu and γul are in detailed
balance at the kinetic temperature; therefore it is possible for net
heating to occur (Λ < 0) in cases where the crucial level popu-
lations have Tex > Tkin, owing to strong radiative excitation in a
hot external radiation field.

2.3. Escape probability

The difficulty in solving radiative transfer problems is the inter-
dependence of the molecular level populations and the local ra-
diation field, requiring iterative solution methods. In particular,
for inhomogeneous or geometrically complex objects, extensive
calculations with many grid points are required. However, if only
the global properties of an interstellar cloud are of interest, the
calculation can be greatly simplified through the introduction of
a geometrically averaged escape probability β, the probability
that a photon will escape the medium from where it was created.
This probability depends only on the optical depth τ and is re-
lated to the intensity within the medium, ignoring background
radiation and any local continuum, through

Jνul = S νul(1 − β). (17)

Several authors have developed detailed relations between β
and τ for specific geometrical assumptions. Our program of-
fers the user a choice of three such expressions. The first is
the expression derived for an expanding spherical shell, the so-
called Sobolev or large velocity gradient (LVG) approximation
(Sobolev 1960; Castor 1970; Elitzur 1992, pp. 42–44). This
method is also widely applied for moderate velocity gradients,
to mimic turbulent motions. Our program uses the formula by
Mihalas (1978) and De Jong et al. (1980) for this geometry:

βLVG =
1
τ

∫ τ

0
e−τ

′
dτ′ =

1 − e−τ

τ
· (18)
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is strictly only valid when collisional excitation dominates. This
assumption allows the source function to be written as
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=
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where we have used the Einstein relations. It is common to
introduce an excitation temperature Tex defined through the
Boltzmann equation
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where Ei is the energy of level i, such that S νul = Bν(Tex), the
specific intensity of a blackbody radiating at Tex.

In the interstellar medium, the dominant line broadening
mechanism is Doppler broadening. Except in very cold and dark
cloud cores, observed line widths are much larger than expected
from the kinetic temperature: this effect is commonly ascribed
to random macroscopic gas motions or “turbulence”. The result
is a Gaussian line profile
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where νD is the Doppler width, u is the velocity vector of the
moving gas at the position of the scattering, n is a unit vector in
the direction of the propagating beam of radiation, and c is the
speed of light. The Doppler width is the 1/e half-width of the
profile, equal to ∆V/2

√
ln 2 where ∆V is its full width at half-

maximum.
If the level populations ni are known, the radiative transfer

equation can be solved exactly. In particular, under LTE con-
ditions, knowledge of the kinetic gas temperature Tkin allows
the determination of ni by virtue of the Boltzmann equation
(Eq. (10)). For many interstellar and circumstellar media, the
density is too low to attain LTE, but statistical equilibrium (SE)
can often be assumed:
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= 0 =
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N∑
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Pi j = Fi − niDi, (12)

where Pi j, the destruction rate coefficient of level i, and its for-
mation rate coefficient P ji are given by

Pi j =

{
Ai j + Bi j J̄ν +Ci j (i > j)
Bi j J̄ν +Ci j (i < j). (13)

In Eq. (13),

Bi j J̄ν = Bi j

∫ ∞
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Jν φ(ν) dν (14)

is the number of induced radiative (de-)excitations from state i
to state j per second per particle in state i, and

Jν =
1

4π

∫
Iν dΩ (15)

is the specific intensity Iν integrated over solid angle dΩ and
averaged over all directions. The SE equations thus include the
effects of non-local radiation.

This discussion assumes that the state-specific rates of for-
mation Fi [cm3 s−1] and destruction Di [s−1] are zero to ensure
that the radiative transfer is solved independently of assump-
tions about chemical processes. In general, formation and de-
struction processes should be included explicitly to be able to

deal with situations in which the chemical time scales are very
short or the radiative lifetimes very long. For example, the for-
mation temperature (in Fi) affects the rotational excitation of C3
(Roueff et al. 2002) and the vibrational excitation of H2 (Black
& van Dishoeck 1987; Burton et al. 1990; Takahashi & Uehara
2001), systems for which line radiation only occurs as slow elec-
tric quadrupole transitions. The rotational excitation of reactive
ions like CO+ (Fuente et al. 2000; Black 1998) is also sensitive
to Fi and Di because the rates of reactions with H and H2 ri-
val the inelastic collision excitation rates. Similar considerations
apply to the excitation of H+3 in the Sgr A region close to the
Galactic Center (Van der Tak 2006), where electron impact ex-
citation competes with dissociative recombination.

2.2. Molecular line cooling

Once the radiative transfer problem has been solved and the level
populations are known, the cooling (or heating) from molecu-
lar line emission can be estimated. Since the level populations
contain all the information of the radiative transfer, a general ex-
pression for the cooling is obtained from considering all possible
collisional transitions

Λ =
∑

i

n(i)
∑

l

∑

u>l

(nlγlu − nuγul)hνul, (16)

where i denotes a collision partner. The emissivity Λ in
erg s−1 cm−3 is defined to be positive for net cooling. From
Eq. (6), the collision rate coefficients γlu and γul are in detailed
balance at the kinetic temperature; therefore it is possible for net
heating to occur (Λ < 0) in cases where the crucial level popu-
lations have Tex > Tkin, owing to strong radiative excitation in a
hot external radiation field.

2.3. Escape probability

The difficulty in solving radiative transfer problems is the inter-
dependence of the molecular level populations and the local ra-
diation field, requiring iterative solution methods. In particular,
for inhomogeneous or geometrically complex objects, extensive
calculations with many grid points are required. However, if only
the global properties of an interstellar cloud are of interest, the
calculation can be greatly simplified through the introduction of
a geometrically averaged escape probability β, the probability
that a photon will escape the medium from where it was created.
This probability depends only on the optical depth τ and is re-
lated to the intensity within the medium, ignoring background
radiation and any local continuum, through

Jνul = S νul(1 − β). (17)

Several authors have developed detailed relations between β
and τ for specific geometrical assumptions. Our program of-
fers the user a choice of three such expressions. The first is
the expression derived for an expanding spherical shell, the so-
called Sobolev or large velocity gradient (LVG) approximation
(Sobolev 1960; Castor 1970; Elitzur 1992, pp. 42–44). This
method is also widely applied for moderate velocity gradients,
to mimic turbulent motions. Our program uses the formula by
Mihalas (1978) and De Jong et al. (1980) for this geometry:

βLVG =
1
τ

∫ τ

0
e−τ

′
dτ′ =

1 − e−τ

τ
· (18)

B) When chemical formation & destruction processes are 
comparable to collisional processes:

J. H. Black 1998
+Chemical formation and destruction rates



III. Interstellar Chemistry

Where do interstellar molecules come from?
 How are they formed?



Molecules in the ISM?  Typical Scales…

“Size” of a diatomic molecule,    r ≈ 2 Å  = 2·10-8 cm

Cross-section (surface)   σ = π r2 ≈ 10-15 cm2

Typical speeds  v ≈ 0.1 km s-1 = 104 cm s-1

Reactive collision rate   𝛾 (cm3 s-1) = σ · v =  10-11 cm3 s-1

   H2 density in dense clouds    n(H2) ≈ 105 cm-3

Time between collisions of two molecules  t (s) ≈ 1 / ( 𝜸 nH2 ) ≈ 2 weeks !!

Distance between collisions d = v t  ≈ 100,000 km !!

SLOW chemistry, 
Astrophysicists did not expect many molecules in space…



(SHORT) HISTORY OF INTERSTELLAR CHEMSITRY

                         * 1926 – A. Eddington
                                  

                              

                              “Atoms are physics, but molecules are chemistry…”

*  In 1930-1940 three molecules were observed in the line-of-sight
     toward slightly reddened stars in the near-UV: CN, CH and CH+ 

UV spectroscopy, electronic transitions

 Swing &

 Rosenfeld 1937 



Nearly 15 years before Penzias & Wilson discovery of the CMB in the radio (Nobel Prize) …

Nobel prize in chemistry
in 1971

but he did not know
about Cosmology

At the low gas densities of diffuse clouds, collisional
excitation is negligible, thus Tex (molecules) ≈  Tbackground

1950

CN line absorption
toward diffuse ISM clouds
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Yes, molecules are there, everywhere !
Yang,C

.,etal.:A
&

A
680,A

95
(2023)

Peak ~ 29 mJy
NCv1.143

Peak ~ 21 mJy
NCv1.143

Peak ~ 16 mJy
NCv1.143
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Fig. 3. NOEMA 3 mm band spectral surveys of APM 08279+5255 and NCv1.143, shown as the blue and violet spectra, respectively. For visualization purposes, the spectrum of NCv1.143 has been
shifted up by 2 mJy. Both spectra are binned to 50 MHz (about 150 km s�1) to highlight the line detection. Error bars are indicated by thin lines (the same color as the spectra) overlaid on the spectra.
Dashed black lines identify the lines detected in both sources, while dashed orange lines highlight the lines that are only detected in one of the two sources. The line names are labeled above the
dashed lines. The peak values indicated for CO(3�2), CO(4�3), and [C I](1-0) emission lines in NCv1.143 are the true peak values before the 2 mJy shift, and they are outside the box of the figure.
A zoomed-in view is provided in Fig. A.1.
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Yang+2023 with IRAM’s NOEMA interferometer              freqobs = freqrest-frame·(1+z)-1            

Quasar at 
z=3.911 

Starburst at z=3.565



Molecules in Space

•  About 330 molecules found in Space (~75 in galaxies)

• H2  most abundant species (… CO)

• H2O,  CH+, …  simple hydrides à first steps of ISM chemistry

• Polycyclic Aromatic Hydrocarbons 

•  HCOCH2OH  glycolaldehyde, simplest sugar + COMs …

Polycyclic Aromatic Hydrocarbons

PAHN: N-containing PAHs
Only detected as a class
of molecules



Elemental abundances in Universe

The number of C, N , O, S ... atoms represents   
     < 0.1%  of  H atoms. 



I’m sorry Dr. Eddington …  
Molecules are very important !

•  Exotic chemistry and unique laboratory

•  Chemical composition evolves with time

•  Molecules as diagnostics (Tkin, nH, 𝜎#, B, ζCR , …)

•  Gas coolants (gravitational collapse, shocks...)
 

Astrochemistry 

Astrophysics 



Interstellar chemistry is peculiar …

•  Diffuse H2 clouds:  nH2~100 cm-3, Tkin~100 K 

•  Dense molecular clouds: nH2~105  cm-3,   Tkin~10-20 K

•  Compare with this room:  Tkin~300 K     n ~1019 cm-3  

•  Best laboratory ultra-vacuum chambers: P  = 2.5·10-11 mbar  à   n ~ 105 cm-3

ISM = very low densities,  very low temperatures à conditions very different
                                                                                   compared to Earth !! 

+ chemistry affected by presence of UV-photons, X-rays, Cosmic Rays,
turbulence, magnetic fields...

à ISM chemistry is NEVER in ‘thermo-chemical equilibrium’
à solve two body reaction kinetics: A + BC = AB + C

(+ many quantum effects)



           Gas-phase molecules are (predominantly) synthesised in exothermic
       reactions in the gas and on the surfaces of tiny grains (many exceptions!). 

1)     Need to form the basic molecule H2 à dust grain surfaces
   
2)      We need atomic (C+, S+, O+, ) and molecular ions (H2 + O+ à OH+ + H):
                              -  FUV-photons from massive OB-type stars  
                                  -  Cosmic-ray particles 

Summarized Interstellar chemistry

19
95
Ap
JS
..
.9
9.
.5
65
S

A&A 647, L7 (2021)

Fig. 3. Model5 of the C+ layer with [C]/[S]= 10. Lower panel: abun-
dance profiles as a function of AV along the UV-illumination direction:
from the IF to the cloud interior (lower axis) and the equivalent angular
distance perpendicular to the Bar (upper axis). Upper panel: normalized
emissivities of the [C ii] 158 µm, S54↵, and C54↵ lines. For the RRLs,
we adopted an LTE model (see Appendix A).

angular resolution (.500) to spatially resolve the di↵erent sizes
of the C+ and S+ layers; they are small at the moderate gas den-
sities of the Bar. In these intermediate PDR layers, AV ' 3.5 to
5.5, photoionization of S atoms becomes the major source of e�,
and thus of the ionization fraction. This is one of the reasons why
determining [S] in dense gas is relevant.

Because the HPBW of the 40 m telescope encompasses
the C+ and S+ layers of the Bar, and assuming that the
C and S level populations of fairly high principal quan-
tum numbers n depart from local thermodynamic equilibrium
(LTE) in a similar fashion (e.g., Dupree 1974; Salgado et al.
2017), we can determine the gas-phase carbon-to-sulfur abun-
dance ratio, [C]/[S]= nC+ / nS+ , directly from the Cn↵/Sn↵=Rn↵
line intensity ratio. From the stacked spectrum we obtain
Rn↵ = 10.4± 0.6. This is a factor of two lower than the [C]�/[S]�
ratio. As we adopted [C+]IF = [C]Ori, the Rn↵ ratio leads to
[S+]IF = [S]Ori = (1.4± 0.4)·10�5.

Under the above assumptions, the initial [S] in the OMC
matches the solar abundance. Interestingly, it also coincides with
the stellar [S] abundances measured in young B-type stars of
the Ori OB1 association (Daflon et al. 2009). This result implies
very little depletion of S in dense clouds, D(S)= 0.0± 0.2.
In the unlikely case that the [C+]IF in the Bar is signifi-
cantly lower than the value measured by Sofia et al. (2004),
our estimated [S]Ori abundance would be an upper limit and
D(S) would decrease accordingly. Still, an LTE excitation
model with N(S+)' 7·1017 cm�2 (Appendix A) is consistent
with the absolute intensities of the observed sulfur RRLs, with
[S]Ori = 1.4·10�5, and with N(C+)/N(S+)' 10.

The ratio R(54�59)↵ observed in the Bar is higher than
that determined at several-arcminute resolution in the pio-
neering cm-wave observations of the ⇢Oph dark cloud
(R158↵ ' 3.5 and R110↵ ' 6.2; Pankonin & Walmsley 1978) and
the W3A and Orion B clouds (R158↵ ' 3.1 and 7.1, respectively;
Chaisson et al. 1972). These variations can be produced by (i)
the di↵erent beam filling factors of the C+- and S+-emitting
regions in these clouds, such that their RRL emission is not
spatially resolved and the large beam mixes various PDRs, (ii)
very di↵erent excitation properties of Sn↵ versus Cn↵ RRLs, or
(iii) intrinsically lower [C]/[S] ratios. We currently favor pos-
sibility (i). Indeed, our higher angular resolution observations
nearly spatially resolve the Bar PDR. If this were not the case,
and if the S+ layer were significantly more extended than the C+
layer, then the intrinsic R(54�59)↵ ratios would be larger. In the
future, more sensitive observations and more details on the RR
and DR of S+ ions will allow us to model the non-LTE excita-
tion of sulfur RRLs individually, as well as to constrain ne and
Te as a function of AV (e.g., RRLs do not arise from the same
[C ii] 158 µm-emitting layer; see Fig. 3). In the meantime, ours
is probably the most direct estimation of [S] in a dense cloud.

Since stellar sulfur abundances increase with increasing
metallicity (e.g., Perdigon et al. 2021), and the estimated [S] in
stars and H ii regions decreases with galactocentric radius (RGC)
as �0.04 dex kpc�1 (e.g., Rudolph et al. 2006; Daflon et al. 2009;
Arellano-Córdova et al. 2020), we anticipate shallow variations
of [S] in molecular clouds of di↵erent RGC. A related open ques-
tion (e.g., Sofia 2004) is how to reconcile the low sulfur deple-
tion in the ISM with the existence of interplanetary dust parti-
cles containing sulfur (Bradley 1994) and with the existence of
solid MgS in evolved stars. The latter seems only viable if MgS
is present in the outer coating surfaces of circumstellar grains
and not in their cores (Lombaert et al. 2012; Sloan et al. 2014).
These outer surfaces may be more easily destroyed in the harsh
ISM. Observations of Sn↵ RRLs from a larger sample of star-
forming regions will improve our understanding of interstellar
sulfur.
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BIMOLECULAR REACTIONS IN THE ISM

A + BC → AB + C 

AB + hv → …

n(AB) as function of time ?
d/dt  n(AB, t) = F – D = k n(A, t) n(BC, t) – β n(AB, t)

Steady-state → d/dt  n(AB) = 0  →  n(AB) =  k n(A)·n(BC) / β

(time to reach steady-state is ~1/β,   β~10-10 s-1     1/β~300 yr)

k

β

F = Formation rate of AB  = k · n(A) · n(BC)  [cm-3 s-1] 
            
D= Destruction rate of AB = β ·  n(AB)          [cm-3 s-1]

k (T) = “reaction rate coefficient”     
 [k] = cm+3 s-1  ~  σ (cm2) · v (cm s-1)

β = “photodissociation rate”        
[β] = (molecules) s-1 



Astrochemical models contain thousands of reactions but only a few reaction types:

10-13 cm3s-1

10-9-10-12 s-1

10-6 cm3s-1

10-9 cm3s-1

10-9 cm3s-1

3·10-17 cm3s-1(e.g. H2)

reaction rate k(T)~ 𝝈 · 𝒗:

10-12 cm3s-1
+ Ebarrier



Negative temperature dependence of many reactions
Methoxy observations and chemical reactions 6709 

MNRAS 528, 6706–6719 (2024) 

Figure 1. Rate coefficients for the reaction (1) OH + CH 3 OH → CH 3 O + H 2 O, as a function of temperature (within the 1–300 K range). Symbols: circles and 
squares are experimental points by Shannon et al. ( 2013 ), AAJ 2016 , G ́omez Mart ́ın et al. ( 2014 ), and Oca ̃ na et al. ( 2019 ). Continuum lines: theoretical predictions 
by Siebrand et al. ( 2016 ), Gao et al. ( 2018 ), Oca ̃ na et al. ( 2019 ), and Nguyen et al. ( 2019 ). The green continuum line represents the rate coefficients calculated 
using the α, β, and γ parameters derived by AAJ 2016 . Dashed and dotted blue lines represent the rate coefficients for channels (1) and (2), respectively, in the 
theoretical work by Gao et al. ( 2018 ). 
et al. 2023 ). Methoxy was also searched for towards a handful of 
warm (50–100 K) objects targeted by the sensitive observations of the 
IRAM-NOEMA Large Programme SOLIS (Ceccarelli et al. 2017 ). 
Ho we ver, the search ended up only in upper limits on the abundance 
of methoxy in those objects (Ceccarelli et al. 2017 ; Bianchi et al. 
2019 ). Please note that the upper limits towards the warm objects, 
listed in Table 1 , are up to a factor 10 larger with respect to the 
column densities estimated for the cold objects. This is due to 
two reasons (1) the larger temperature and (2) the smaller sizes of 
IRAS4A and SVS13A with respect to the former (which introduces 
a beam dilution). We notice that the absence of methoxy detection in 
the SOLIS observations of warm objects is confirmed by the search 
of methoxy o v er the entire 1, 2, and 3 mm bands observed in the 
warm sources targeted by the IRAM-30m Large Programme ASAI 
(Astrochemical Surv e ys At Iram: Lefloch et al. 2018 ). The detections 
and upper limits of cold and warm objects are summarized in 
Table 1 . 
4  M O D E L  SIM U L AT I O N S  A N D  C O M PA R I S O N  
WI TH  OBSERVATI O N S  
The detection of methoxy in cold environments and non-detection 
in warm ones provide important information that we try to interpret 
by using model simulations and comparing their predictions with the 

observations. Specifically, we run models that simulate the conditions 
in two objects of Table 1 

(i) Warm object, L1157-B1 (Section 4.2 ): L1157-B1 is a well- 
studied site of shocked gas (e.g. Bachiller et al. 2001 ; Codella et al. 
2017 , 2020 ; Lefloch et al. 2017 ). We chose to compare the model 
predictions with the observations towards L1157-B1 because they 
provide the most stringent constraint among the warm/hot objects. 
Indeed, in addition to the standard comparison between predicted and 
observed abundances, the shocked gas site provides also a constraint 
on the time the comparison should be made, namely in the time lapse 
corresponding to the approximate age of the shocked gas, which is 
known from previous studies (Podio et al. 2016 ). 

(ii) Cold object, B1-b (Section 4.3 ): B1-b is the cold core towards 
which AAJ2016 tested model predictions using their experimental 
values for the rate coefficient of channel ( 1 ) Cernicharo et al. ( 2012 ). 
Since AAJ2016 used the old value listed in the KIDA data base for 
the rate coefficients of the reaction CH 3 O + H (see Table 2 and 
Fig. B3 ), it is important to see also the effect of the new values we 
have obtained for this process on their model. 

We used the code GRAINOBLE (Taquet, Ceccarelli & Kahane 
2012 ; Ceccarelli et al. 2018 ) to provide the predicted abundances 
for the warm and cold objects. Despite GRAINOBLE is a gas–
grain time-dependent astrochemical model, in this work we used 

D
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nloaded from
 https://academ

ic.oup.com
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nras/article/528/4/6706/7611720 by guest on 04 July 2025

OH + CH3OH→ CH3O + H2O
Bulcani+2024 FAST COLD INTERSTELLAR 

CHEMISTRY !

k(T)=a(T/300)b exp (-c/kT)
[cm3 s-1]

Arrhenius-law fit



PHOTO-DISSOCIATION of  MOLECULAR GAS:  
•    Stellar FUV photons dissociate molecules:

    Photodissociation rate 𝜷:    β 𝐝𝐢𝐬𝐬𝐨𝐜𝐢𝐚𝐭𝐢𝐨𝐧 𝒔%𝟏 = ∫'(()
*+,,) 𝐼-./ 𝜆 𝜎012234156137 𝜆 𝑑𝜆

𝐼-./ 𝜆 = FUV radiation field in photons cm-2 s-1  at each 𝜆 and each cloud-depth position 
𝜎012234156137 𝜆 = photodissociation cross-section in cm2 à experiments or quantum calculations

Stellar physics &
FUV propagation 

Molecular Physics

CO + h𝝂 →	C + O

A. N. Heays et al.: Photodissociation and photoionisation of atoms and molecules of astrophysical interest
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Goicoechea & Le Bourlot 2007

FUV radiation field inside a molecular cloud

H2
H

𝜷CO = G0· 2.4·10-10 (s-1) 



Dark molecular clouds are not completely dark

Cosmic-ray induced FUV radiation (“secondary FUV photons”)

G0 = 10-4 deep inside molecular clouds
       (May affect the chemistry of grain ice 

mantles in cloud interiors)
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TABLE 2 

Standard Model Parameters 

Parameter Standard Model 
no(cm 3) •••• 
Go  
<5t;D(km s . 
sé r  

* o ��

Mg ' 

sé* 
^Fe 
Séy 
A 
^uv  
K,  
y  
00 (eV) . 
T0(K) .. 

1.0 (3) 
1.0 (3) 
1.5 
3.0 (-4) 
5.0 (-4) 
7.9 (-7) 
7.9 (-6) 
2.5 (-7) 
1.3 (-6) 
1.0 
1.8 
1.8 
1.0 (-1) 
6.0 
48.8a 

1.0 (-3)a 

Note.—Numbers in parentheses: see 
Table 1. a Calculated values according to eqs. 
(6) and (7). 

can be understood by reference to the thermal and chemical 
structures of the standard model. 

3.1. Energy Balance 
3.1.1. Heating and Cooling 

Figure 1 plots the heating rates as a function of depth into 
the cloud for the standard case. As in the high-density PDR 
case, grain photoelectric heating is dominant for 0 < < 6 
and heats the gas to a temperature higher than the grain tem- 
perature. Near the surface of the cloud the photodissociation 
of H2, however, is the second most important heating mecha- 
nism after photoelectric heating. This contrasts with the high- 
density PDR, where the collisional de-excitation of 
FUV-pumped H2 is second to photoelectric heating. This dif- 
ference is a consequence of the lower density and comparably 
reduced importance of collisional de-excitations. 

In addition, in contrast to the high-density PDR case, 
cosmic-ray heating dominates beyond Av ~ 1 for the low- 
density PDR case. Other heating mechanisms, such as col- 
lisional de-excitation of infrared-pumped O i as well as 
gas-grain collisions, which are dominant deep in the high- 
density PDR, are of secondary importance here because the 
infrared dust radiation intensity and dust temperature are 
lower and the density is lower. This lack of coupling results in 
rather different dust and gas temperatures even in the deepest 
regions (Av ~ 10) of the PDR. 

Figure 2 shows the variation of the individual cooling rates 
as a function of depth into the cloud for the standard case. In 
the range of n0-G0 parameter space considered in this paper, 
[C n] 158 jum cooling generally dominates near the cloud 
surface, [C i] 370 and 609 jam cooling dominates around the 
C i abundance peak, and CO (low-J) cooling dominates at 
large optical depths into the cloud (Av ~ 6). At the low-density 
PDR surface [C n] 158 jam cooling is about an order of magni- 
tude greater than [O i] 63 jim; this contrasts with the domi- 
nance of [O i] 63 jam in the high-density PDR. The [O i] 63 jam 
has diminished in importance because the [O i] 63 jam tran- 
sition has a higher critical density [ncr(0) ^ 5 x 105 cm-3 

versus ncr(C+) ~ 3 x 103 cm-3] and excitation energy 
(AEol/k = 228 K versus AEcll/k = 92 K) than [C n] 158 jim. 

Fig. 1.—Different gas heating terms in the energy balance for the standard 
model, given as a function of the visual extinction Av into the cloud. 
“Photoelectric” refers to the grain photoelectric heating mechanism; “H2” 
refers to photodissociation of H2; “Hf ” is the collisional de-excitation of 
FUV-pumped H£; “C i” is the photoionization of atomic carbon; “O i (63 
/un)” is the collisional de-excitation of IR-pumped neutral oxygen; “dust” 
refers to the collisions with warm dust. 

Fig. 2.—Different gas cooling terms in the energy balance for the standard 
model, given as a function of the visual extinction Av into the cloud. “ C i ” is 
the sum of [C i] 370 gm and [C i] 609 gm; “H2” and “CO” are the total 
cooling by rotational and vibrational transitions of these molecules. 
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Molecular clouds with n(H2) > 103 cm-3



(Astro)chemical reaction data bases
Gas-phase chemical reactions:

Typical models contain ~5000 reactions between ~450 species up to 13 atoms

https://umistdatabase.uk (UMIST-UDFA, T. Millar et al. )

http://kida.obs.u-bordeaux1.fr (KIDA-Bordeaux,  Wakelam, Herbst, et al.)

http://home.strw.leidenuniv.nl/~ewine/photo/  (Photo-rates,  E. van Dischoeck)

 
k(T)=a(T/300)b exp (-c/kT) [cm3 s-1]

kphoto(Av)=G0·β exp (- α Av) [ s-1]

Arrhenius law

https://umistdatabase.uk/
http://kida.obs.u-bordeaux1.fr/
http://kida.obs.u-bordeaux1.fr/
http://kida.obs.u-bordeaux1.fr/
http://home.strw.leidenuniv.nl/~ewine/photo/


Computational chemistry
A + B → X + Y

 X + C →  D + E

X + hv → products

(on grains:   Aice + Bice → Xice + Yice     ; Xice + hv / T → Xgas  )
                   

kAB

kXC

βX

One differential equation per species in the network:
d/dt  nX = F – D = ΣAΣB kAB nA nB – (ΣC kXC nC + βX) nX

 + Conservation equations:
Carbon  nC = n(C+) + n(C) + n(CO) + n(CH)… + 2n(C2) + 2n(C2H) + … 
     …
Charge ne = n(C+) + n(H+) + n(H3

+)  + … SOLVED ITERATIVELY
                                                          (eg. Netwon-Raphson techniques
                                                                                  when dn/dt = 0 steady-state)  
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Several iterations
needed 

Ideal astrochemical models
-  Input radiation field (UV) à output  atomic/molecular line emission

-  Gas heating & cooling à  Tgas  (depends on composition!)  + Tdust

-  Chemistry (gas + grain surface) à abundances (depend on T )
 

But remember, reaction rates 
are often  uncertain…,

à Model predictions are 
uncertain (factors ~2 to 10)

    e.g. Wakelam et al. 2005



The Meudon PDR code (public)

Far-UV

Eph < 13.6 eV

https://pdr.obspm.fr
FUV-dominated Photodissociation regions

FUV radiative transfer + heating/cooling + chemistry + molecular excitation

G0
Pth

𝜸𝑪𝑹𝒔
M+
…

https://pdr.obspm.fr/
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Fig. 9. Isobaric PDR model with G0 = 2 ⇥ 104 and Pth/k = 108 K cm�3.
Upper panel: gas density, gas temperature (Tk), and grain-size distri-
bution maximum and minimum dust temperature (Tdust) profiles as a
function of AV depth into the PDR. The green curve shows the density
of FUV-pumped H⇤2 (v� 1). Lower panel: abundance profiles.

the steep rise in H2 abundance upon entering the DF. The lower
panel shows the abundance profiles of gas-phase CO, C, and
C+, along with those of C2H, CH+, CH+3 , and related radicals
(CH, CH2, and CH3). In agreement with our C2H observations,
the predicted abundance of these radicals reaches a maximum
at the DF, where n(H)' n(H2). Hence, our term ‘hydrocarbon
radical peak’. The dashed curve shows the water-ice abundance
profile. Given the high G0, dust temperatures and photodesorp-
tion rates are large enough to prevent the formation of abundant
water ice in the DFs, which would otherwise deplete the volatile
oxygen. Therefore, the gas in the DFs is oxygen-rich, meaning
[C]/[O]' 0.5.

The model predicts steep temperature and density gradients
at small spatial scales, ranging from Tk ' 700–600 K and nH of
a few 105 cm�3 at the hydrocarbon radical peak, to Tk ' 150 K
and nH &106 cm�3 at the CO-rich zone. Figure 10 shows that the
predicted angular separation between the local emissivities of
H2 0–0 S (1), C2H N = 4–3, and [C I] 609µm lines is very small,
less than 100 (for an edge-on PDR). This model predicts that
the CO/C and H2/H transition zones are separated by 0.0015 pc,
which agrees with the observed emission stratification in DF3
(Fig. 3). If Pth/kB increases (decreases) by a factor of two, the
predicted separation decreases (increases) by a factor of three.

6. Discussion
6.1. Far-UV-driven gas-phase hydrocarbon chemistry

Figure 11 summarizes the dominant gas-phase reactions of
hydrocarbons in our reference model. The starting reaction is

C+ + H2(v, J) ! CH+ + H, (3)

Fig. 10. Local line emissivities predicted by a PDR model with
Pth/kB = 108 K cm�3. The upper horizontal axis shows the equivalent
angular scale for a perfectly edge-on PDR. These distances will decrease
as the inclination of the PDR with respect to a edge-on PDR increases.

which has an endoergicity7 of �E/k = 4300 K when H2 is in
the ground state v= 0 (Hierl et al. 1997; Zanchet et al. 2013).
Thus, this reaction is exceedingly slow and inefficient in cold
clouds shielded from FUV radiation. The warm temperatures
and enhanced abundances of FUV-pumped H⇤2 (v�1) in dense
PDRs (detected up to v= 12 in the Bar, Kaplan et al. 2021) over-
comes the reaction endoergicity. This triggers the formation of
abundant CH+ (e.g., Agúndez et al. 2010), which peaks slightly
ahead of the DF, where H⇤2 (v�1) reaches its highest abundance.
CH+ ro-vibrational line emission is readily detected along the
Bar (Naylor et al. 2010; Nagy et al. 2013; Parikka et al. 2017;
Zannese et al. 2025). Subsequent (fast) exothermic hydrogena-
tion reactions lead to the formation of CH+3 (the methyl cation),
first detected in space by JWST in the irradiated disk d203-506
(Berné et al. 2023) and also present in the Bar (Zannese et al.
2025). CH+3 reacts extremely slowly with H2 due its very high
endothermicity (and no CH+4 products are observed in experi-
ments; Smith et al. 1982; Asvany et al. 2004) and is predicted
to be the most abundant hydrocarbon in the DF (Fig. 9). CH+3
destruction is dominated by dissociative recombination, lead-
ing to the formation of abundant radicals CH2 (methylene) and
CH (methylidyne). The slower CH+3 radiative association leads
to somewhat lower levels of CH3 (methyl).

Hydrogen abstraction reactions play a key role in the gas-
phase growth of simple hydrocarbons. In Fig. 11, however, the
reactions indicated by red arrows are endoergic. Thus, they are
very slow in cold gas but, similarly to reaction (3), become
fast in FUV-irradiated gas due to the high temperatures and
presence of FUV-pumped H⇤2. These reactions boost the forma-
tion of CH, CH2, and CH3. These radicals further react with
C+, promoting the formation of hydrocarbons with two carbon
atoms. CH is abundant in the Bar (and correlates with the C2H
emission, Nagy et al. 2017) and across large scales in OMC-1
(Goicoechea et al. 2019), following the spatial distribution of
CH+ and [C II] 158µm (Goicoechea et al. 2019). This suggests
that reactions of CH and C+ drive the formation of C+2 , which
starts the formation of hydrocarbons with two C atoms.

The enhanced abundances of CH+n cations and CHn radicals
are a key feature of the carbon chemistry in FUV-irradiated gas.
7 Reaction (3) becomes exoergic for H⇤2 at v= 0, J � 11, and v= 1, J � 7.
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Fig. 9. Isobaric PDR model with G0 = 2 ⇥ 104 and Pth/k = 108 K cm�3.
Upper panel: gas density, gas temperature (Tk), and grain-size distri-
bution maximum and minimum dust temperature (Tdust) profiles as a
function of AV depth into the PDR. The green curve shows the density
of FUV-pumped H⇤2 (v� 1). Lower panel: abundance profiles.

the steep rise in H2 abundance upon entering the DF. The lower
panel shows the abundance profiles of gas-phase CO, C, and
C+, along with those of C2H, CH+, CH+3 , and related radicals
(CH, CH2, and CH3). In agreement with our C2H observations,
the predicted abundance of these radicals reaches a maximum
at the DF, where n(H)' n(H2). Hence, our term ‘hydrocarbon
radical peak’. The dashed curve shows the water-ice abundance
profile. Given the high G0, dust temperatures and photodesorp-
tion rates are large enough to prevent the formation of abundant
water ice in the DFs, which would otherwise deplete the volatile
oxygen. Therefore, the gas in the DFs is oxygen-rich, meaning
[C]/[O]' 0.5.

The model predicts steep temperature and density gradients
at small spatial scales, ranging from Tk ' 700–600 K and nH of
a few 105 cm�3 at the hydrocarbon radical peak, to Tk ' 150 K
and nH &106 cm�3 at the CO-rich zone. Figure 10 shows that the
predicted angular separation between the local emissivities of
H2 0–0 S (1), C2H N = 4–3, and [C I] 609µm lines is very small,
less than 100 (for an edge-on PDR). This model predicts that
the CO/C and H2/H transition zones are separated by 0.0015 pc,
which agrees with the observed emission stratification in DF3
(Fig. 3). If Pth/kB increases (decreases) by a factor of two, the
predicted separation decreases (increases) by a factor of three.

6. Discussion
6.1. Far-UV-driven gas-phase hydrocarbon chemistry

Figure 11 summarizes the dominant gas-phase reactions of
hydrocarbons in our reference model. The starting reaction is

C+ + H2(v, J) ! CH+ + H, (3)

Fig. 10. Local line emissivities predicted by a PDR model with
Pth/kB = 108 K cm�3. The upper horizontal axis shows the equivalent
angular scale for a perfectly edge-on PDR. These distances will decrease
as the inclination of the PDR with respect to a edge-on PDR increases.

which has an endoergicity7 of �E/k = 4300 K when H2 is in
the ground state v= 0 (Hierl et al. 1997; Zanchet et al. 2013).
Thus, this reaction is exceedingly slow and inefficient in cold
clouds shielded from FUV radiation. The warm temperatures
and enhanced abundances of FUV-pumped H⇤2 (v�1) in dense
PDRs (detected up to v= 12 in the Bar, Kaplan et al. 2021) over-
comes the reaction endoergicity. This triggers the formation of
abundant CH+ (e.g., Agúndez et al. 2010), which peaks slightly
ahead of the DF, where H⇤2 (v�1) reaches its highest abundance.
CH+ ro-vibrational line emission is readily detected along the
Bar (Naylor et al. 2010; Nagy et al. 2013; Parikka et al. 2017;
Zannese et al. 2025). Subsequent (fast) exothermic hydrogena-
tion reactions lead to the formation of CH+3 (the methyl cation),
first detected in space by JWST in the irradiated disk d203-506
(Berné et al. 2023) and also present in the Bar (Zannese et al.
2025). CH+3 reacts extremely slowly with H2 due its very high
endothermicity (and no CH+4 products are observed in experi-
ments; Smith et al. 1982; Asvany et al. 2004) and is predicted
to be the most abundant hydrocarbon in the DF (Fig. 9). CH+3
destruction is dominated by dissociative recombination, lead-
ing to the formation of abundant radicals CH2 (methylene) and
CH (methylidyne). The slower CH+3 radiative association leads
to somewhat lower levels of CH3 (methyl).

Hydrogen abstraction reactions play a key role in the gas-
phase growth of simple hydrocarbons. In Fig. 11, however, the
reactions indicated by red arrows are endoergic. Thus, they are
very slow in cold gas but, similarly to reaction (3), become
fast in FUV-irradiated gas due to the high temperatures and
presence of FUV-pumped H⇤2. These reactions boost the forma-
tion of CH, CH2, and CH3. These radicals further react with
C+, promoting the formation of hydrocarbons with two carbon
atoms. CH is abundant in the Bar (and correlates with the C2H
emission, Nagy et al. 2017) and across large scales in OMC-1
(Goicoechea et al. 2019), following the spatial distribution of
CH+ and [C II] 158µm (Goicoechea et al. 2019). This suggests
that reactions of CH and C+ drive the formation of C+2 , which
starts the formation of hydrocarbons with two C atoms.

The enhanced abundances of CH+n cations and CHn radicals
are a key feature of the carbon chemistry in FUV-irradiated gas.
7 Reaction (3) becomes exoergic for H⇤2 at v= 0, J � 11, and v= 1, J � 7.
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Typical output
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Line emission stratification: 
FUV

FUV

Example from Goicoechea +2025, A&A
 The Orion Bar PDR, G0=2·104, Pth = 108 K cm-3



https://ism.obspm.fr/ismdb.html

Pre-run PDR models & 
quick diagnostic plots

Shock models coming
soon…

https://ism.obspm.fr/ismdb.html


The  PDR toolbox

M. Wolfire & M. Pound

Quick diagnostic plots

https://dustem.astro.umd.edu/tools.html

https://dustem.astro.umd.edu/tools.html


Cloudy photoionization code (public)

EUV + FUV  + heating/cooling + HII region ionization + chemistry

https://gitlab.nublado.org/cloudy/cloudy
HII regions and more

Includes extreme-UV (EUV) with Eph > 13.6 eV

There are other models of PDRs, shocks, HII regions …

QLy
U
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https://gitlab.nublado.org/cloudy/cloudy


Interstellar chemistry makes this…



Diffuse clouds Cold & dense clouds

Low densities, warm gas  ~100 K
           FUV heating & CR ionization 

High densities, cold gas,
depletion, CR ionization…

Simple reactive molecules: 
OH+, CH+ , CH, …

H2O and even CO freeze out
Deuterated species: N2D+ 

… 



Outflows
and shocks

High-Temperature chemistry
Grain sputtering

High-J CO, H2O,  OH,  SiO …

Hot Cores around
massive protostars

Ice-mantle evaporation
Warm-temperature chemistry

CH3OH, and saturated COMs



Circumstellar envelopes
around evolved stars

High densities, dust formation

with metals: NaCl…
refractory: TiO, SiC2…

Photodissociation regions

Photochemistry,
UV dissociation and gas heating

IR emission from PAHs & H2
Reactive molecular ions … 



Take home messages
• ISM = A very important component of galaxies …

• The ISM is slowly converted into stars. As the die, they return enriched matter back.

• UV , cosmic rays and shocks heat the ISM à  Stellar and ISM evolution are tightly coupled

• Fascinating physical and chemical (micro) processes à collaborate with quantum chemists
                                                                                                          and experimentalists 

• New developments: magnetic fields and turbulence à more sophisticated MHD simulations
 
• Bright future: ALMA, NOEMA, IRAM30m, JWST, SKA, … be a multiwavelength astronomer ! 

THANK YOU !!


